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WHY GALAXIES?
• Galaxies are useful tracers of the underlying density field 

at large-scales relevant for cosmology. 

• Understanding the galaxy formation and evolution is 
important for understanding radiation and thermal 
history of the universe. 

• Imaging and spectroscopic observations are possible. 
We would like to derive, (i) size & shape, (ii) star 
formation rate, (iii) metallicity, (iv) age, (v) stellar mass, 
(vi) dark matter mass, (vii) luminosity functions, (viii) 
spatial clustering and (xv) redshift evolution of all the 
quantities.
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Band
Ener

gy Dominant Physical Processes Principal Sources Other Important 
Contributors

Physical 
Conditions Traced

X-ray
0.1–
100 
keV

Thermal bremsstrahlung (free-free 
emission); collisionally excited line 

emission; inverse Compton 
scattering; accretion-powered 

emission

Hot diffuse gas, X-
ray binaries, AGN, 

supernova 
remnants

Cataclysmic variables, 
coronally active 

binaries, supersoft X-
ray sources, hot white 

dwarfs

Hot gas (10⁶–10⁸ 
K), shocks, stellar 

remnants, accretion, 
energetic feedback

 UV
10–
400 
nm

Photospheric emission from hot 
stars; nebular continuum; resonance-

line emission; thermal emission 
from accretion disks

O and B stars, H II 
regions, AGN 
accretion disks

White dwarfs, post-
AGB stars, extreme 

horizontal branch stars, 
blue stragglers

Recent star 
formation, evolved 
stellar populations, 
ionized gas, AGN 

activity

Optical
400–
700 
nm

Stellar continuum emission; 
hydrogen recombination lines; 
forbidden-line emission; AGN 

continuum emission

Main-sequence 
stars, giant stars, H 

II regions, AGN 
emission-line 

regions

Planetary nebulae, 
supernovae, Wolf–
Rayet stars, novae

Stellar mass, stellar 
ages, metallicity, 

ionization state, star 
formation
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Band

Appr
ox. 

Rang
e

Dominant Physical Processes Principal Sources Other Important 
Contributors

Physical Conditions 
Traced

Near-
Infrared 
(NIR)

0.7–5 
μm

Stellar photospheric emission; 
thermal emission from warm dust; 
molecular rovibrational transitions

Red giants, red 
supergiants, old stellar 
populations, embedded 

young stars

AGB stars, TP-AGB 
stars, AGN-heated 
dust, brown dwarfs

Stellar mass, evolved 
stellar populations, 

obscured star 
formation

Mid-
Infrared 
(MIR)

5–30 
μm

Thermal emission from warm 
dust; PAH emission; fine-structure 
ionic lines; reprocessed UV/optical 

radiation

Star-forming regions, 
photodissociation 

regions (PDRs), AGN 
dusty torus

Circumstellar dust 
around AGB stars, 

shocked dust, 
planetary nebulae

Dust heating, 
obscured star 

formation, AGN 
activity, ISM 

Far-
Infrared 
(FIR)

30–
300 
μm

Thermal emission from cold dust 
grains in approximate equilibrium 

with the radiation field

Molecular clouds, 
diffuse ISM dust, star-

forming galaxies

Dust heated by old 
stellar populations 
("cirrus"), AGN-

heated dust

Dust mass, obscured 
star formation rate, 

radiation field 
intensity

Submillim
eter (Sub-
mm)

0.3–1 
mm

Thermal emission from very cold 
dust; molecular rotational line 

emission (especially CO)

Giant molecular 
clouds, dense 

molecular gas, dusty 
high-redshift galaxies

Cold circumgalactic 
dust, dense star-
forming cores

Molecular gas 
reservoirs, cold dust 

content

Millimeter 
(mm)

1–10 
mm

Molecular rotational transitions; 
thermal dust continuum; free-free 

emission

Molecular gas (CO, 
HCN, HCO⁺, CS), 
dense cores, star-
forming clouds

Sunyaev–Zel'dovich 
effect, AGN jets, cold 

dust continuum

Molecular gas mass, 
gas kinematics, dense 

gas fraction



SPECTRAL ENERGY DISTRIBUTION

STARS

DUST



GENERATING GALAXY SPECTRA 
ENERGY DISTRIBUTION:

SFR: Single burst, continuous (i.e independent of time), 
exponentially decreasing/increasing, recurring etc., 

T: Transmission effects - dust scattering/emission, gas 
absorption and nebular emission. 

fSSP: Simple Stellar Populations  born at the same stage.

Fobs(�, t) =

Z t

0
d⌧fSSP(�, ⌧, Z)SFR(t, ⌧)T (�, t, ⌧)



INITIAL MASS FUNCTION (IMF)
• Salpeter IMF 

• Scalo IMF 

• Chabrier IMF

⇠(M) = 0.03(
M

M�
)�1.35



STAR SPECTRA 
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BASIC PROPERTIES OF STARSCHAPTER 3. CHEMICAL EVOLUTION Page 66

see: Pagel (1993) Instituto Astrofisica di Canarias Winter School

Galaxies, Cosmology and Dark Matter Summer 2000



STELLAR ISOCHRONE

Marigo, 2017, ApJ, 835,77



SSP EVOLUTION

• Salpeter IMF. 

• 106 M⨀ single burst. 

• Z = 1/20 Z⊙. 

• “STARBURST99” 

• Metallicity, Binary 
fraction, IMF, mass 
cut-offs will affect the 
computed spectrum.



CONTINUOUS STARFORMATION

• Salpeter IMF. 

• 1M⨀ yr-1 continuous. 

• Z = 1/20 Z⊙. 

• “STARBURST99” 

• W i t h o u t I S M 
absorption.



CONTINUOUS STARFORMATION

M = 106 M⊙ ; M_low = 1 
solid: M_up = 100 M⊙, 𝛼 = 2.35 
dashed: M_up = 100 M⊙, 𝛼 = 3.30 
long-dashed: M_up = 30 M⊙, 𝛼 = 2.35 

SFR = 1 M⊙ yr-1 
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DN(4000) AND GALAXY PARAMETERStellar masses and star formation histories 35

Figure 1. SDSS spectra of a late-type galaxy (top) and an early-type galaxy (bottom) are plotted over the interval 3700–4400 Å in the restframe. The red line
shows our best-fitting BC2003 model spectrum. The light grey-shaded regions indicate the bandpasses over which the Dn(4000) index is measured. The dark
grey regions show the pseudocontinua for the HδA index, while the hatched region shows the HδA bandpass.

We therefore perform a careful subtraction of the stellar
absorption-line spectrum before measuring the nebular emission
lines. This is accomplished by fitting the emission-line-free regions
of the spectrum with a model spectrum. The models are based on the
new population synthesis code of Bruzual & Charlot (2003, here-
after BC2003), which incorporates high-resolution (3-Å FWHM)
stellar libraries. (Salient details of the libraries are discussed fur-
ther in Section 3.) We have generated a set of 39 template spec-
tra spanning a wide range in age and metallicity. The template
spectra are convolved with a Gaussian to match the stellar veloc-
ity dispersion of each galaxy and rebinned to the SDSS dispersion
(" log λ= 104). The best-fitting model spectrum is constructed from
a non-negative linear combination of the template spectra, with dust
attenuation modelled as a λ−0.7 power law of adjustable amplitude
(Charlot & Fall 2000).

In Fig. 1, we plot two representative SDSS galaxy spectra over
the wavelength interval 3700–4400 Å (restframe), which includes
both the 4000-Å break and the Hδ absorption features that are used
extensively in this paper. The upper panel in Fig. 1 shows the spec-
trum of a star-forming galaxy with strong Balmer emission lines,
while the lower panel shows a typical early-type galaxy with strong
stellar absorption features. The red lines in Fig. 1 show the best-
fitting model to the stellar absorption spectrum over the wavelength
interval from 3600 to 6800 Å. We find that in general, the BC2003
models reproduce the main stellar absorption features of galaxies in
the SDSS survey extremely well.

A more detailed analysis of the spectral fits will be presented in
Tremonti et al. (in preparation). We note that the top panel of Fig. 1
demonstrates that in star-forming galaxies, high-resolution models
are required in order to separate the Balmer emission lines from

the underlying stellar absorption features in a reliable way. With-
out these models, the accuracy of the emission-line measurements is
compromised by an unknown correction for stellar absorption. Like-
wise, stellar continuum indices such as HδA will be contaminated
by emission lines unless these can be removed.

All magnitudes quoted in this paper are Petrosian magnitudes.
For the SDSS, the Petrosian radius is defined as the largest radius
at which the local r-band surface brightness is at least one-fifth the
mean surface brightness interior to that radius. The Petrosian flux
is then the total flux within a circular aperture of twice the Pet-
rosian radius. Details concerning the Petrosian flux measurements
are given in Lupton et al. (in preparation) and Strauss et al. (2002).
The SDSS Petrosian magnitude detects essentially all the light from
galaxies with exponential profiles and more than 80 per cent of the
light from galaxies with de Vaucouleurs profiles.

Conversions from apparent magnitude to absolute magnitude de-
pend on cosmology through the distance modulus DM(z) and on
galaxy type through the K-correction K (z):

M = m − DM(z) − K (z). (1)

We assume a Friedmann–Robertson–Walker cosmology with $ =
0.3, % = 0.7 and H 0 = 70 km s−1 Mpc−1. We calculate the K-
corrections K (z) for each galaxy using the routines in KCORRECT

V1 11 (Blanton et al. 2002a). In order to minimize the errors in this
procedure, we K-correct the magnitudes of all galaxies in our sample
to z = 0.1, which is close to the median redshift of the galaxies in our
sample. Blanton et al. have studied the errors in the K-corrections
by comparing the magnitudes produced by the KCORRECT routine
with broad-band magnitudes synthesized from the galaxy spectra
themselves. The conclusion is that r-, i- and z-band magnitudes can

C⃝ 2003 RAS, MNRAS 341, 33–53

Kauffmann et al 2003, MNRAS, 341, 33 
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Figure 14. The top panel shows the distribution of SDSS galaxies
in the plane spanned by the strength of theHδ line and the 4000 Å
break (Dn(4000)). Each galaxy is represented by a point color-
coded according to its position in the P1-P2 color-color diagram,
shown in the top panel in Fig. 10. Note the strong color gradient
indicating a correlation between the position of a galaxy along this
locus and its P1 color. The overall, strongly bimodal, distribution
is outlined by linearly spaced isopleths. The bottom panel shows
the distribution of the same sample in the dust content (Az)
vs. stellar mass (M∗) diagram. Az and M∗ are model-dependent
estimates derived from the measured Hδ, Dn(4000) and imaging
g−r and r−i colors. The color gradients indicate good correlations
between the positions in the Az-M∗ and P1-P2 planes.

bottom panel in Fig. 1, while the rest-frame Strömgren col-
ors discussed here are determined using the 4000–5800 Å
range. That is, the two studies are based on practically inde-
pendent spectral ranges (the vz filter does have overlap with
the Hδ line). Here we demonstrate that despite their dif-
ferent wavelength range, and different techniques (color vs.
spectral line analysis), the derived inferences about galaxies
are similar.

The top panel in Fig. 14 shows the distribution of galax-
ies in the Hδ-Dn(4000) plane, with the dots colored accord-
ing to the galaxy’s position in the P1-P2 color-color diagram
(see the top panel in Fig. 10). As discussed by Kauffmann et

Figure 15. Analogous to Fig. 14, except that only galaxies with-
out emission lines are shown (contours correspond to the full sam-
ple).

al. (2003a), galaxies form a well-defined locus in this plane.
The strong color gradient along the locus indicates a corre-
lation with the P1 color. The bottom panel in Fig. 14 shows
the distribution of galaxies in the plane spanned by the de-
rived parameters: the dust content and the stellar mass. The
color gradients indicate a good correlation between the posi-
tions in the Az-M∗ and P1-P2 planes. In particular, galax-
ies with small masses (log(M∗)!10) are dominated by blue
galaxies with P1 < 0, while a correlation between Az and P2
is discernible (gradient from purple to red as Az increases)
for high-mass galaxies (log(M∗)∼11). Since emission line
properties, discussed in the previous Section, correlate with
P1 and P2 colors, it is expected that galaxies without emis-
sion lines, star-forming, and AGN galaxies display different
distributions in these two diagrams. This is demonstrated
in Figs. 15, 16, and 17. For example, the detailed morphol-
ogy of the galaxy distribution shown in the bottom panel
in Fig. 14 can be understood as a superposition of three
dominant populations with distinctive positions, as seen in
the bottom panels in Figs. 15, 16, and 17. It is noteworthy
that the Az-M∗ correlation for star-forming galaxies shown
in the bottom panel in Fig. 16 is consistent with a constant
dust-to-stellar mass ratio for all galaxies.

In order to quantify the correlations between the po-

c⃝ 0000 RAS, MNRAS 000, 000–000
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range. That is, the two studies are based on practically inde-
pendent spectral ranges (the vz filter does have overlap with
the Hδ line). Here we demonstrate that despite their dif-
ferent wavelength range, and different techniques (color vs.
spectral line analysis), the derived inferences about galaxies
are similar.

The top panel in Fig. 14 shows the distribution of galax-
ies in the Hδ-Dn(4000) plane, with the dots colored accord-
ing to the galaxy’s position in the P1-P2 color-color diagram
(see the top panel in Fig. 10). As discussed by Kauffmann et

Figure 15. Analogous to Fig. 14, except that only galaxies with-
out emission lines are shown (contours correspond to the full sam-
ple).

al. (2003a), galaxies form a well-defined locus in this plane.
The strong color gradient along the locus indicates a corre-
lation with the P1 color. The bottom panel in Fig. 14 shows
the distribution of galaxies in the plane spanned by the de-
rived parameters: the dust content and the stellar mass. The
color gradients indicate a good correlation between the posi-
tions in the Az-M∗ and P1-P2 planes. In particular, galax-
ies with small masses (log(M∗)!10) are dominated by blue
galaxies with P1 < 0, while a correlation between Az and P2
is discernible (gradient from purple to red as Az increases)
for high-mass galaxies (log(M∗)∼11). Since emission line
properties, discussed in the previous Section, correlate with
P1 and P2 colors, it is expected that galaxies without emis-
sion lines, star-forming, and AGN galaxies display different
distributions in these two diagrams. This is demonstrated
in Figs. 15, 16, and 17. For example, the detailed morphol-
ogy of the galaxy distribution shown in the bottom panel
in Fig. 14 can be understood as a superposition of three
dominant populations with distinctive positions, as seen in
the bottom panels in Figs. 15, 16, and 17. It is noteworthy
that the Az-M∗ correlation for star-forming galaxies shown
in the bottom panel in Fig. 16 is consistent with a constant
dust-to-stellar mass ratio for all galaxies.

In order to quantify the correlations between the po-

c⃝ 0000 RAS, MNRAS 000, 000–000

The Rest-frame Colors of SDSS Galaxies 11

Figure 16. Analogous to Fig. 14, except that only star-forming
galaxies are shown (contours correspond to the full sample).

sitions in the Hδ-Dn(4000) and P1-P2 planes, we define a
parameter η which measures the position along the locus in
the Hδ-Dn(4000) plane

η = 0.0995 · (Dn(4000) − 1.75) − 0.995 ·HδA (8)

Note that η=0 corresponds to HδA=0. Fig. 18 compares the
η-P1 and Az-P2 distributions for galaxies with and without
emission lines. As evident, there is good correspondence be-
tween the two pairs of parameters, although they are mea-
sured using barely overlapping spectral ranges. In particular,
note the good correlation between Az and P2 for emission
line galaxies. Analogous diagrams comparing star-forming
and AGN galaxies are shown in Fig. 19. It appears that the
Az-P2 correlation is stronger for AGN than for star-forming
galaxies. This could be explained as a consequence of the
more homogeneous AGN population because star-forming
galaxies span a broad range in stellar mass, and hence in
metallicity and surface mass density. It also seems that the
slope of the Az-P2 correlation is different for the two types
of galaxies, but the data are too noisy to derive a robust
conclusion.

Figure 17. Analogous to Fig. 14, except that only AGN galaxies
are shown (contours correspond to the full sample).

4.3 The Correlations of Az and P2 with the

Hα/Hβ Ratio

An often used estimator of the galaxy dust content is the
Hα/Hβ ratio. Therefore, at least some degree of correlation
should exist between this parameter and the Az and P2
parameters. Fig. 20 shows the dependence of log(Hα/Hβ)
on P2 and Az for star-forming and AGN galaxies. Simi-
larly to Az vs. P2 dependence shown in Fig. 19, it appears
that different weak correlations exist for these two types of
galaxies. The difference in slopes, similar to the difference
in slopes for the Az vs. P2 correlation, is possibly due to
different dust geometries, or perhaps different dust proper-
ties, between AGN and star-forming galaxies (note that this
difference also exists in the Hα/Hβ vs. Az diagram, that is,
even when P2 is not used). A detailed analysis and interpre-
tation of these correlations is beyond the scope of this work.
We conclude that the similarity of the top and bottom pan-
els in Fig. 20 suggests that P2 is a good, though somewhat
noisier, proxy for Az.

c⃝ 0000 RAS, MNRAS 000, 000–000
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Question : which spectral signature is highlighted here? 
 
 
 

II. Galaxies in the local universe 
 
The local universe is the best laboratory to study galaxies in details and understand the  main 
processes and measure the physical conditions. 
 
The Sloan Digital Sky Survey  collected data over half the sky (20000 sq.deg.) in several 
photometric bands. A large fraction of the fields were also observed spectroscopically.  
Several publications described the main results drawn from this survey. 
 
The star formation history was studied by comparing the D4000 feature to the Hδ absorption 
line (Kauffmann et al. 2003, MNRAS, 341, 33) 
 
D4000 and the Balmer absorption lines were described before: why are they chosen to 
measure the star formation histories? 
 
 
 
 
 
Models are needed to interpret 
these  spectral signatures.  
The first illustration is 
obtained with a population 
synthesis model assuming an 
instantaneous starburst. The 
various lines in the left 
diagrams correspond to 
different stellar libraries. The  
lines in the right diagrams  are 
drawn  with different 
metallicities. One can see the 
very different evolution of 
both quantities with age. 
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The second figure combines Hδ and  
D(4000))  for different metallicities (blue: 
20% solar, red: solar, magenta: 2.5 times 
solar) . The lines are for an instantaneous 
burst (age increasing with D(4000)). 
Symbols  are for a constant star formation. 
Black points are observed data from the 
SDSS.  
One can conclude that a constant SFR is a 
good model for the mean behavior of the 
local galaxies. 
 
 
 
 
 
 
 
 
Another very important result from the SDSS is the bimodal distribution of D(4000) and  Hδ  
with a population of blue late-type galaxies and a population of red early-type ones  
(Baldry et al. 2004)  
 
Can you comment about the wording “red, early-type” and “blue, late-type” 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 
 

Exercise 1: Try to get such plots for Starburst99 website for 
both burst and continuous star formation

different  
libraries

effect of  
metallicity



STELLAR MASS

M⇤(t) =

Z
Ṁ(SFR)� ṁejdt



STAR FORMATION RATE FROM SPECTRAL 
MEASUREMENTS

https://ned.ipac.caltech.edu/level5/Sept12/Calzetti/Calzetti1_2.html

https://ned.ipac.caltech.edu/level5/Sept12/Calzetti/Calzetti1_2.html
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NEBULAR EMISSIONPhotoionization: H II region around stars

• Pure Hydrogen nebula

nHI�HI = ↵(Te)nenp

nHfHI�HI = n
2

H
(1 � fHI)

2
↵

fHI

(1�fHI)
2
= nH(

↵(Te)

�HI
)

where �HI =
R

4⇡J⌫�HI(⌫)d⌫

h⌫

is the photoionization rate of Hydrogen.
• Matter bound H II region.
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4
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3
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2
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Strömgren radius.

L(Ly↵) = (2/3)Ṅh⌫ and

L(H↵) = L(Ly↵)/8.7
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NEBULAR EMISSION & STARFORMATION
B. Argence and F. Lamareille: Emission-lines calibrations of the star formation rate from the Sloan Digital Sky Survey 763

Fig. 3. Relation between the SFR (logarithm of M⊙/yr) and the Hαi (left) or [OII]i (right) emission lines luminosities (logarithm of erg/s) for
starforming galaxies in the SDSS DR4 data. The solid line is a least-square fit to the data (errors on x and y). The dashed line is the Kennicutt
(1998) calibration corrected to our assumed IMF, and corrected for dust by Kewley et al. (2004) in the right panel. Isodensity contours are
overplotted in white.

calibration quite reliable. The uncertainty on the exponent of the
power law especially tells us that this parameter is very well con-
strained, while not equal to 1 as compared to all previous stud-
ies. As shown in Fig. 2 (bottom-left), the mean on the residuals
is now almost null (0.01 dex) with the improved calibration. A
small residual slope (−0.04) is present as the improved calibra-
tion is now less accurate for very low SFR values. This residual
slope is not significant given the low Spearman rank correlation
coefficient: −0.23.

We now consider the case where the Hα line is not observed,
or not measurable, and that we decide to use the [OII]λ3727
emission line instead. In such case, the dust attenuation might
be derived from another Balmer ratio not involving the Hα line
(e.g. Hγ/Hβ, Hδ/Hγ, ...)

As already stated in the literature, the relation between the
SFR and the [OII] line has to be considered with caution be-
cause of the stronger dependence of this line on metallicity
(compared to Hα), as well as a stronger sensibility to dust at-
tenuation. However, as shown in Fig. 2 (top-right), we find a
good agreement with the standard Kennicutt (1998) [OII]i cali-
bration, which uses log(ηi

[Oii]) = 41.36 if we correct their results
for dust attenuation (Kewley et al. 2004) and scale them to our
adopted IMF.

It seems that the effect of metallicity on the [OII] line does
not produce any systematic shift and only leads to a higher dis-
persion: 0.25 dex. To be more precise, the three effects of the
metallicity on the relative strength of the [OII] line, on the effi-
ciency factor, and on the estimate of the dust attenuation exactly
compensate in order to produce a exponent of the power law very
close to unity.

Figure 3 (right) shows our improved calibration in the corre-
lation between the [OII]i emission-line luminosity and the SFR
in SDSS DR4 data. We find the following best-fit values:
{

log ηi
[Oii] = 41.94 ± 0.7

ϵi[Oii] = 1.014 ± 0.02 (8)

As expected, and as shown in Fig. 2 (bottom-right), this cal-
ibration does not produce any significant improvement com-
pared to the Kennicutt (1998) (corrected by Kewley et al. 2004)

calibration. In both cases, the observed residual slope of −0.09 is
not significant (Spearman rank correlation coefficient of −0.24).

3.2.2. New calibrations

As already shown in previous works (Kewley et al. 2004;
Moustakas et al. 2006; Weiner et al. 2007), the best way to pro-
vide a reliable SFR vs. [OII] calibration is to actually use the
SFR vs. Hαi calibration, and to calibrate either the [OII]/Hαi

(observed-to-intrinsic) or the [OII]i/Hαi (intrinsic-to-intrinsic)
line ratio against a well chosen parameter. Then the star forma-
tion rate is given by the following formula:

log SFR = ϵiHα
(
log L([Oii]i?) − log([Oii]i?/Hαi)

)
− log ηi

Hα (9)

Kewley et al. (2004) has calibrated the [OII]i/Hαi line ratio
against the gas-phase oxygen abundance (12 + log(O/H)), end-
ing up in an appreciable improvement of the calibration. As
also shown by Mouhcine et al. (2005) with 2dFGRS data and
in Fig. 4, there is indeed a robust correlation between these two
parameters. The dashed line in Fig. 4 shows the relation derived
semi-empirically by Kewley et al. (2004). The residuals around
this relation are characterized by a mean of −0.04 dex and a rms
of 0.1 dex in SDSS DR4 data.

However, we see three drawbacks against the use of this
relation:

– first the gas-phase oxygen abundance is not an easy parame-
ter to derive. There are many different calibrations which can
be different from each other by up to 0.5 dex (see Kewley
& Ellison 2008, for a detailed discussion). Moreover, most
of these calibrations need many emission lines to be mea-
sured and we emphasize that, in such cases, it might be easier
to use directly the SFR estimated from multiple-lines fitting
methods like CL01;

– second, we already stated before that correcting the [OII]
emission line for dust attenuation requires in most common
cases that the Hα emission line is being observed: in this case
one would estimate the SFR directly from the Hα line, rather
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3.1. Base theory

The common way to calibrate the SFR against one emission-line
luminosity (e.g. Hα) is a simple scaling relation of the following
form:

S FR = L(Hα)/ηHα. (5)

This formula, where ηHα is the efficiency factor, reproduces
the simple relation between the amount of ionizing photons
(the SFR) and the emission-line luminosity. However, it has al-
ready been shown that the Hα efficiency factor depends on other
physical properties of the galaxies. Charlot & Longhetti (2001)
show that ηHα depends on the metallicity, metal-rich stars being
less luminous and thus producing less Hα photons in the inter-
stellar medium for the same SFR. More recently, Brinchmann
et al. (2004) show that ηHα is also linked to the stellar mass
of SDSS galaxies, massive galaxies producing less Hα photons
than dwarfs for a given SFR. These two results are obviously
linked by the mass-metallicity relation (Tremonti et al. 2004;
Lamareille et al. 2008). Fortunately, Brinchmann et al. (2004)
also show that this effect is canceled by the commonly used
wrong assumption of a constant intrinsic Hα/Hβ intrinsic Balmer
ratio. In fact this ratio increases with metallicity, ending up with
an overestimate of the dust attenuation for metal-rich galaxies.
This effect compensates almost exactly for the decrease in ηHα
when metallicity increases.

Nevertheless, we decided to adopt a more general approach
using a powerlaw as described by the following formula:

log(SFR) = ϵHα log L(Hα) − log(ηHα). (6)

The parameter ϵHα is the exponent of the power law. The simple
calibration described by Eq. (5) corresponds to the ϵHα = 1 spe-
cial case. We show in the following sections that this more gen-
eral approach is not mandatory for the cases with a dust atten-
uation estimated from the Balmer decrement (ϵHα is very close
to 1), but that it is useful in other cases. We note that the corre-
lation between dust attenuation and metallicity (Cortese et al.
2006; Mouhcine et al. 2005) also has an effect on the slope;
however, the goal of our work is not to study in details such
phenomenon.

In the following sections, the efficiency factors are expressed
in erg s−1 (M⊙ yr−1)−1 units and the exponents of the power laws
are unitless. All fits are least square fits with errors in x and y.
The errors on the fitted parameters are given by the rms of
40 bootstrap estimates. The term “dispersion” relates to the rms
of the residuals around the fitted calibrations, the term “shift” to
the mean of these residuals. The given residual slopes are unit-
less.

3.2. Dust estimated from the Balmer decrement

We now present possible calibrations of the SFR based on data
corrected with dust estimated from the Balmer decrement (see
Eq. (3)). We remind the reader that the results presented in this
subsection are only valid if we correct the observed flux for
dust attenuation using Eqs. (2) and (3), i.e. making the wrong
assumption that the intrinsic Balmer ratio is constant over the
whole range of stellar masses.

3.2.1. Improved standard calibrations

Kennicutt (1998) has developed two calibrations of the SFR ver-
sus Hαi or the [OII]i emission lines, which are now widely used

Fig. 2. These four plots show the residuals of the SFR recovered from an
emission-line calibration as compared to the reference CL01 SFR, for
starforming galaxies in the SDSS DR4 data. This comparison is shown
as the logarithm of the ratio between the derived and the reference SFR,
as a function of the logarithm of the reference SFR (in M⊙/yr). The num-
ber of objects used in the comparison, the shift, the dispersion, and the
Spearman rank correlation coefficient are given in the plot. The dashed
horizontal line is the y = 0 curve, the solid line is the y = a · x + b
curve where a and b are the parameters of the linear regression given in
the plot. Isodensity contours are overplotted in white. The studied cali-
brations are: top-left: Kennicutt (1998) Hαi; top-right: Kennicutt (1998)
(corrected by Kewley et al. 2004) [OII]i; bottom-left: our improved Hαi

calibration; bottom-right: our improved [OII]i calibration.

in the literature. We take advantage of the SDSS DR4 data to test
these two calibrations as compared to the high-quality CL01 es-
timate of the SFR. We also derive two new improved calibrations
based on Eq. (6) rather than Eq. (5).

Figure 2 (top-left) shows the comparison between the
CL01 SFR and the one recovered with the standard Kennicutt
(1998) Hαi calibration, which uses log(ηi

Hα) = 41.28 if we scale
their results to our adopted IMF. We find good agreement: the
dispersion is 0.17 dex, which is very similar to the minimum un-
certainty associated to the CL01 SFR estimates (i.e. 0.16 dex).
Thus, we confirm that the Hα emission line luminosity alone is
sufficient to recover the SFR almost perfectly.

However, we see that the reduced efficiency factor and the
dust attenuation overestimate do not exactly cancel each other
on the massive end of the sample, which induces a mean of the
residuals of +0.1 dex. One might decide to subtract 0.1 dex to
the Kennicutt (1998) calibration in order to find a null mean of
the residuals, or we can try to derive an improved calibration.

Figure 3 (left) shows our improved calibration for the corre-
lation between the Hαi emission-line luminosity and the SFR in
SDSS DR4 data. We find the following best fit values:
{

log ηi
Hα = 39.38 ± 0.03

ϵiHα = 0.951 ± 0.001
(7)

One can notice that the formal errors of these two parameters are
very low thanks to the large number of objects, which makes this
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3.1. Base theory

The common way to calibrate the SFR against one emission-line
luminosity (e.g. Hα) is a simple scaling relation of the following
form:

S FR = L(Hα)/ηHα. (5)

This formula, where ηHα is the efficiency factor, reproduces
the simple relation between the amount of ionizing photons
(the SFR) and the emission-line luminosity. However, it has al-
ready been shown that the Hα efficiency factor depends on other
physical properties of the galaxies. Charlot & Longhetti (2001)
show that ηHα depends on the metallicity, metal-rich stars being
less luminous and thus producing less Hα photons in the inter-
stellar medium for the same SFR. More recently, Brinchmann
et al. (2004) show that ηHα is also linked to the stellar mass
of SDSS galaxies, massive galaxies producing less Hα photons
than dwarfs for a given SFR. These two results are obviously
linked by the mass-metallicity relation (Tremonti et al. 2004;
Lamareille et al. 2008). Fortunately, Brinchmann et al. (2004)
also show that this effect is canceled by the commonly used
wrong assumption of a constant intrinsic Hα/Hβ intrinsic Balmer
ratio. In fact this ratio increases with metallicity, ending up with
an overestimate of the dust attenuation for metal-rich galaxies.
This effect compensates almost exactly for the decrease in ηHα
when metallicity increases.

Nevertheless, we decided to adopt a more general approach
using a powerlaw as described by the following formula:

log(SFR) = ϵHα log L(Hα) − log(ηHα). (6)

The parameter ϵHα is the exponent of the power law. The simple
calibration described by Eq. (5) corresponds to the ϵHα = 1 spe-
cial case. We show in the following sections that this more gen-
eral approach is not mandatory for the cases with a dust atten-
uation estimated from the Balmer decrement (ϵHα is very close
to 1), but that it is useful in other cases. We note that the corre-
lation between dust attenuation and metallicity (Cortese et al.
2006; Mouhcine et al. 2005) also has an effect on the slope;
however, the goal of our work is not to study in details such
phenomenon.

In the following sections, the efficiency factors are expressed
in erg s−1 (M⊙ yr−1)−1 units and the exponents of the power laws
are unitless. All fits are least square fits with errors in x and y.
The errors on the fitted parameters are given by the rms of
40 bootstrap estimates. The term “dispersion” relates to the rms
of the residuals around the fitted calibrations, the term “shift” to
the mean of these residuals. The given residual slopes are unit-
less.

3.2. Dust estimated from the Balmer decrement

We now present possible calibrations of the SFR based on data
corrected with dust estimated from the Balmer decrement (see
Eq. (3)). We remind the reader that the results presented in this
subsection are only valid if we correct the observed flux for
dust attenuation using Eqs. (2) and (3), i.e. making the wrong
assumption that the intrinsic Balmer ratio is constant over the
whole range of stellar masses.

3.2.1. Improved standard calibrations

Kennicutt (1998) has developed two calibrations of the SFR ver-
sus Hαi or the [OII]i emission lines, which are now widely used

Fig. 2. These four plots show the residuals of the SFR recovered from an
emission-line calibration as compared to the reference CL01 SFR, for
starforming galaxies in the SDSS DR4 data. This comparison is shown
as the logarithm of the ratio between the derived and the reference SFR,
as a function of the logarithm of the reference SFR (in M⊙/yr). The num-
ber of objects used in the comparison, the shift, the dispersion, and the
Spearman rank correlation coefficient are given in the plot. The dashed
horizontal line is the y = 0 curve, the solid line is the y = a · x + b
curve where a and b are the parameters of the linear regression given in
the plot. Isodensity contours are overplotted in white. The studied cali-
brations are: top-left: Kennicutt (1998) Hαi; top-right: Kennicutt (1998)
(corrected by Kewley et al. 2004) [OII]i; bottom-left: our improved Hαi

calibration; bottom-right: our improved [OII]i calibration.

in the literature. We take advantage of the SDSS DR4 data to test
these two calibrations as compared to the high-quality CL01 es-
timate of the SFR. We also derive two new improved calibrations
based on Eq. (6) rather than Eq. (5).

Figure 2 (top-left) shows the comparison between the
CL01 SFR and the one recovered with the standard Kennicutt
(1998) Hαi calibration, which uses log(ηi

Hα) = 41.28 if we scale
their results to our adopted IMF. We find good agreement: the
dispersion is 0.17 dex, which is very similar to the minimum un-
certainty associated to the CL01 SFR estimates (i.e. 0.16 dex).
Thus, we confirm that the Hα emission line luminosity alone is
sufficient to recover the SFR almost perfectly.

However, we see that the reduced efficiency factor and the
dust attenuation overestimate do not exactly cancel each other
on the massive end of the sample, which induces a mean of the
residuals of +0.1 dex. One might decide to subtract 0.1 dex to
the Kennicutt (1998) calibration in order to find a null mean of
the residuals, or we can try to derive an improved calibration.

Figure 3 (left) shows our improved calibration for the corre-
lation between the Hαi emission-line luminosity and the SFR in
SDSS DR4 data. We find the following best fit values:
{

log ηi
Hα = 39.38 ± 0.03

ϵiHα = 0.951 ± 0.001
(7)

One can notice that the formal errors of these two parameters are
very low thanks to the large number of objects, which makes this
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Fig. 3. Relation between the SFR (logarithm of M⊙/yr) and the Hαi (left) or [OII]i (right) emission lines luminosities (logarithm of erg/s) for
starforming galaxies in the SDSS DR4 data. The solid line is a least-square fit to the data (errors on x and y). The dashed line is the Kennicutt
(1998) calibration corrected to our assumed IMF, and corrected for dust by Kewley et al. (2004) in the right panel. Isodensity contours are
overplotted in white.

calibration quite reliable. The uncertainty on the exponent of the
power law especially tells us that this parameter is very well con-
strained, while not equal to 1 as compared to all previous stud-
ies. As shown in Fig. 2 (bottom-left), the mean on the residuals
is now almost null (0.01 dex) with the improved calibration. A
small residual slope (−0.04) is present as the improved calibra-
tion is now less accurate for very low SFR values. This residual
slope is not significant given the low Spearman rank correlation
coefficient: −0.23.

We now consider the case where the Hα line is not observed,
or not measurable, and that we decide to use the [OII]λ3727
emission line instead. In such case, the dust attenuation might
be derived from another Balmer ratio not involving the Hα line
(e.g. Hγ/Hβ, Hδ/Hγ, ...)

As already stated in the literature, the relation between the
SFR and the [OII] line has to be considered with caution be-
cause of the stronger dependence of this line on metallicity
(compared to Hα), as well as a stronger sensibility to dust at-
tenuation. However, as shown in Fig. 2 (top-right), we find a
good agreement with the standard Kennicutt (1998) [OII]i cali-
bration, which uses log(ηi

[Oii]) = 41.36 if we correct their results
for dust attenuation (Kewley et al. 2004) and scale them to our
adopted IMF.

It seems that the effect of metallicity on the [OII] line does
not produce any systematic shift and only leads to a higher dis-
persion: 0.25 dex. To be more precise, the three effects of the
metallicity on the relative strength of the [OII] line, on the effi-
ciency factor, and on the estimate of the dust attenuation exactly
compensate in order to produce a exponent of the power law very
close to unity.

Figure 3 (right) shows our improved calibration in the corre-
lation between the [OII]i emission-line luminosity and the SFR
in SDSS DR4 data. We find the following best-fit values:
{

log ηi
[Oii] = 41.94 ± 0.7

ϵi[Oii] = 1.014 ± 0.02 (8)

As expected, and as shown in Fig. 2 (bottom-right), this cal-
ibration does not produce any significant improvement com-
pared to the Kennicutt (1998) (corrected by Kewley et al. 2004)

calibration. In both cases, the observed residual slope of −0.09 is
not significant (Spearman rank correlation coefficient of −0.24).

3.2.2. New calibrations

As already shown in previous works (Kewley et al. 2004;
Moustakas et al. 2006; Weiner et al. 2007), the best way to pro-
vide a reliable SFR vs. [OII] calibration is to actually use the
SFR vs. Hαi calibration, and to calibrate either the [OII]/Hαi

(observed-to-intrinsic) or the [OII]i/Hαi (intrinsic-to-intrinsic)
line ratio against a well chosen parameter. Then the star forma-
tion rate is given by the following formula:

log SFR = ϵiHα
(
log L([Oii]i?) − log([Oii]i?/Hαi)

)
− log ηi

Hα (9)

Kewley et al. (2004) has calibrated the [OII]i/Hαi line ratio
against the gas-phase oxygen abundance (12 + log(O/H)), end-
ing up in an appreciable improvement of the calibration. As
also shown by Mouhcine et al. (2005) with 2dFGRS data and
in Fig. 4, there is indeed a robust correlation between these two
parameters. The dashed line in Fig. 4 shows the relation derived
semi-empirically by Kewley et al. (2004). The residuals around
this relation are characterized by a mean of −0.04 dex and a rms
of 0.1 dex in SDSS DR4 data.

However, we see three drawbacks against the use of this
relation:

– first the gas-phase oxygen abundance is not an easy parame-
ter to derive. There are many different calibrations which can
be different from each other by up to 0.5 dex (see Kewley
& Ellison 2008, for a detailed discussion). Moreover, most
of these calibrations need many emission lines to be mea-
sured and we emphasize that, in such cases, it might be easier
to use directly the SFR estimated from multiple-lines fitting
methods like CL01;

– second, we already stated before that correcting the [OII]
emission line for dust attenuation requires in most common
cases that the Hα emission line is being observed: in this case
one would estimate the SFR directly from the Hα line, rather
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Fig. 12. Relation between the SFR efficiency factor of the [OII] emis-
sion line and the B-band k-corrected absolute magnitude (Vega system).
The data points are the values given in Table 2 of Moustakas et al.
(2006). The solid curve is our 2nd-degree polynomial least-square fit
with the coefficients given in the text.

Fig. 13. Same legend as in Fig. 2. The calibrations are: left: Moustakas
et al. (2006) [OII]+MB calibration; right: Weiner et al. (2007) [OII]+MH
calibration.

Figure 13 (right) shows how the results obtained with the
Weiner et al. (2007) calibration compares with the reference
CL01 SFR. The mean of the residuals is −0.24 dex, the disper-
sion of 0.41 dex is better than the calibration on the observed
[OII] luminosity, but it is still significantly high. Moreover, this
smaller dispersion may only be due to the small number of
galaxies (13 678) with an available measurement of MH in our
sample. Finally, there is also a significant residual slope in this
calibration of −0.36 (Spearman rank correlation coefficient of
−0.55).

We conclude that the calibrations proposed by Moustakas
et al. (2006) and Weiner et al. (2007) lead to poor results with
the SDSS DR4 data. They do neither significantly better nor
significantly worse than the results obtained with the method
of the assumed mean correction, or with our direct calibrations
between the SFR and observed line luminosities.

4.2.3. Two-line calibrations

Finally we consider the general case where no estimation of
the dust attenuation is available. Moustakas et al. (2006) and
Weiner et al. (2007) have produced calibrations of the [OII]/Hαi

line ratio against B-band or H-band absolute magnitudes,

respectively. Following our idea of using only emission-line
measurements, we explored a possible correlation between
[OII]/Hαi (observed-to-intrinsic) and [OII]/Hβ (observed-to-
observed) line ratios. Figure 14 (left) shows the best-fit relation,
as defined by the following equation:

log
(
[Oii]/Hαi

)
= 3.243(±0.3) · log ([Oii]/Hβ) − 1.74(±0.09) . (22)

The mean and the rms of the residuals around the fitted line are
respectively −6 × 10−10 dex and 0.37 dex. The objects plotted
upward the dashed line in Fig. 14 (left) have negative dust at-
tenuation when we derive them from Hα/Hβ ratio with the as-
sumption of a constant intrinsic Balmer ratio. Putting Eqs. (9)
and (22) together, we obtain the following calibration formula:

log SFR = ϵiHα
(
log L([Oii])−3.243 · log ([Oii]/Hβ)+1.74

)−log ηi
Hα.(23)

Figure 14 (center) shows the quality of the recovered SFR as
compared to the reference CL01 SFR. We see that our new cal-
ibration shows no significant systematic shift (0.02 dex) and no
significant residual slope (0.01 with a Spearman-rank correlation
coefficient of 0.06). Moreover, our new calibration shows a dis-
persion of 0.29 dex that, while being still higher than the results
obtained with a correction for dust attenuation, is the best result
obtained in Sect. 4 between all other possibilities: assumed mean
dust correction, direct calibration with observed line luminosi-
ties, or self-consistent correction with the absolute magnitude.

We also explored the results obtained by doing a direct least-
square fit of the SFR as a function of the [OII] line luminos-
ity and the [OII]/Hβ line ratio, without assuming the underly-
ing Hαi calibration. We find the following second-degree best-fit
relation:

log SFR = −39.21 + 0.982 · log L([Oii]) − 2.396 · log ([Oii]/Hβ)
−0.3354 · log ([Oii]/Hβ)2 .

(24)

Figure 14 (right) shows the quality of this other calibration as
compared to the reference CL01 SFR. As compared to Eq. (23),
the SFR derived with Eq. (24) show a zero systematic shift and a
smaller dispersion of 0.23 dex. Nevertheless, this smaller disper-
sion is diminished by a residual slope of −0.12 (Spearman-rank
correlation coefficient of −0.31).

Because it is much easier to use and it gives better results,
our calibrations based on only two observed line fluxes ([OII]
and Hβ) should be preferred in most cases with no available
correction for dust attenuation. The minimum uncertainty when
dealing with data not corrected for dust attenuation is then only
0.23 dex. We discuss in the following section the different cases
where it is better to use Eq. (23) or Eq. (24).

4.3. The self-consistent correction on samples with different
properties

It is clear at this stage of our study that all the calibrations
derived or studied in Sect. 4 (including those by Moustakas
et al. 2006 and Weiner et al. 2007), which are based on ob-
served quantities, depend on the properties of the reference sam-
ple. Nevertheless, we emphasize that this statistically significant
sample such as the SDSS DR4 data, with a large selection func-
tion, is not expected to be strongly biased in favor of one partic-
ular population of galaxies.

It might be useful, however, to know how these calibrations
are sensitive to the variations in the properties of the studied
sample, especially in terms of dust or metallicity.

Agence &Lamareille, 2009, A&A, 495, 759
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Figure 5. Examples of spectral energy distributions obtained by combining the infrared models of Table 1 with attenuated stellar population spectra
corresponding to the same contributions by dust in stellar birth clouds (1 − f µ) and in the ambient ISM (f µ) to the total energy L tot

d absorbed and reradiated by
dust (Section 2.3). (a) Quiescent star-forming galaxy spectrum combined with the ‘cold’ infrared model of Table 1; (b) normal star-forming galaxy spectrum
combined with the ‘standard’ infrared model of Table 1; (c) starburst galaxy spectrum combined with the ‘hot’ infrared model of Table 1 (see text for details
about the parameters of the stellar population models). Each panel shows the unattenuated stellar spectrum (blue line), the emission by dust in stellar birth
clouds (green line), the emission by dust in the ambient ISM (red line) and the total emission from the galaxy, corresponding to the sum of the attenuated stellar
spectrum and the total infrared emission (black line).

characterized by an age tg and a star formation time-scale parameter
γ (equation 31), and random bursts superimposed on this continu-
ous model. We take tg to be uniformly distributed over the interval
from 0.1 to 13.5 Gyr. To avoid oversampling galaxies with negli-
gible current star formation, we distribute γ using the probability
density function p(γ ) = 1 − tanh (8 γ − 6), which is approximately
uniform over the interval from 0 to 0.6 Gyr−1 and drops expo-
nentially to zero around γ = 1 Gyr−1. Random bursts occur with
equal probability at all times until tg. We set the probability so that
50 per cent of the galaxies in the library have experienced a burst
in the past 2 Gyr. We parametrize the amplitude of each burst as
A = Mburst/Mcont, where Mburst is the mass of stars formed in the
burst and Mcont is the total mass of stars formed by the continuous
model over the time tg. This ratio is distributed logarithmically be-
tween 0.03 and 4.0. During a burst, stars form at a constant rate
over the time tburst, which we distribute uniformly between 3 × 107

and 3 × 108 yr. We distribute the models uniformly in metallicity
between 0.02 and 2 times solar.

We sample attenuation by dust in the library by randomly drawing
the total effective V-band absorption optical depth, τ̂V , and the
fraction of this contributed by dust in the ambient ISM, µ (equations
3 and 4). We distribute τ̂V according to the probability density
function p(τ̂V ) = 1 − tanh(1.5 τ̂V − 6.7), which is approximately
uniform over the interval from 0 to 4 and drops exponentially to
zero around τ̂V = 6. For µ, we adopt the same probability density
function as for γ above, i.e. p(µ) = 1 − tanh (8 µ − 6). We note that

these priors for attenuation encompass the dust properties of SDSS
galaxies, for which τ̂V and µ peak around 1.0 and 0.3, respectively,
with broad scatter (Brinchmann et al. 2004; Kong et al. 2004). Our
final stellar population library consists of 50 000 different models.

In parallel, we generate a random library of infrared spectra as
follows. We take the fraction f µ of the total infrared luminosity
contributed by dust in the ambient ISM to be uniformly distributed
over the interval from 0 to 1. We adopt a similar distribution for
the fractional contribution by warm dust in thermal equilibrium
to the infrared luminosity of stellar birth clouds, ξ BC

W . For each
random drawing of ξ BC

W , we successively draw the contributions by
the other dust components to the infrared luminosity of stellar birth
clouds (i.e. hot mid-infrared continuum and PAHs) to satisfy the
condition in equation (14): we draw ξ BC

MIR from a uniform distribution
between 0 and 1 − ξ BC

W , and we set ξ BC
PAH = 1 − ξ BC

W − ξ BC
MIR. While

this procedure does not exclude values of ξ BC
MIR and ξ BC

PAH close to
unity, it does favour small values of these parameters, and hence,
it avoids oversampling physically implausible models. We take the
equilibrium temperature T BC

W of warm dust in the stellar birth clouds
to be uniformly distributed between 30 and 60 K, and that T ISM

C of
cold dust in the ambient ISM to be uniformly distributed between 15
and 25 K. We draw the fractional contribution ξ ISM

C by cold dust in
thermal equilibrium to the infrared luminosity of the ambient ISM
from a uniform distribution between 0.5 and 1 (this also defines the
contributions ξ ISM

PAH, ξ ISM
MIR and ξ ISM

W by PAHs, the hot mid-infrared
continuum and warm dust to the infrared luminosity of the ambient
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Absorption of starlight by dust intimately related to details of star formation 
history:  emission from young and old stars attenuated differently in a galaxy

Infrared emission from dust heated by young stars

➠ modeling of dust emission cannot be decoupled from that of stellar emission 
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Kewley et al., 2002, ApJ, 124, 3135

(d10!30), confirming the very strong correlation between
the two SFR indicators.

We plot a histogram of the logarithm of the ratio of the
two SFRs, log½SFRðIRÞ/SFR(H!)], in Figure 2. Vertical
lines at the top of Figure 2 show the means of the early- and
late-type SFR ratio distributions, 0.50 % 0.07 and
0.34 % 0.04, respectively. We note that the mean for the
early types is larger than the mean for the late types.

4. SFRs AND REDDENING

Figures 1 and 2 and equation (8) demonstrate that the
SFR(IR) estimate exceeds SFR(H!) by a factor of &3, as
observed by Charlot et al. (2002). The ratio between
SFR(IR) and SFR(H!) increases with SFR. If the SFR(IR)
and SFR(H!) are both valid measures of the true SFRs,
then a physical process not yet taken into account must bias
one relative to the other. This process must also cause the
bias to increase at higher SFRs. One obvious candidate is
reddening. We test this conjecture by measuring the differ-
ence in the extinction at two wave bands,E(B!V ).

We calculated E(B!V ) in the emission-line gas for the 81
IRAS-detected galaxies in the NFGS sample for which flux
measurements for both H! and H" are available. We
assume an intrinsic H!/H" ratio of 2.85 (case B recombina-
tion at T = 104 K and electron density ne & 102–104 cm!3;
Osterbrock 1989) and used the Whitford reddening curve as
parameterized byMiller &Mathews (1972).

Figure 3 shows the relationship between the ratio of the
two luminosities L(FIR)/L(H!) and E(B!V ). The Spear-
man rank correlation coefficient is 0.86. The two-sided
probability of obtaining a value of 0.86 by chance is
&1.2 ' 10!23, supporting the very strong correlation
between L(FIR)/L(H!) and E(B!V ).

The FITEXY least-squares line-fitting routine gives

log
LðFIRÞ
LðH!Þ ¼ ð0:62% 0:08Þ log½EðB! VÞ) þ 2:66% 0:06 :

ð9Þ

This relationship is model independent. If we use E(B!V )
to correct L(H!) for extinction, the difference between
SFR(IR) and SFR(H!) could be reduced, supporting simi-
lar results by D02 and R02 for young star-forming galaxies.
In fact, after making the correction, we do arrive at much
better agreement between the corrected H! star formation
rate [SFR(H!corr)] and the IR star formation rate (Fig. 4).
This relation is striking because many nearby field galaxies
are cool IRAS sources. Only six out of the 81 galaxies in
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Fig. 2.—Ratio of the infrared to H! star formation rates. The H! flux
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figure indicate the mean of the early- and late-type distributions.
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Fig. 3.—Relationship between the reddening E(B!V ) derived from
the Balmer decrement F(H!)/F(H") and the ratio of the IR to H!
luminosities.
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Whitford reddening curve as parameterized by Miller & Mathews (1972).
The SFR(IR) and SFR(H!) are nearly equal. The legend indicates the
Hubble type. The galaxies with the largest SFRs are late-type spirals.
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with little variation from galaxy to galaxy. Using this con-
version, the K98 SFR(IR) becomes

SFRðIRÞ ðM# yr$1Þ ¼ 4:5& 10$44 LðIRÞ
' 7:9& 10$44 LðFIRÞðergs s$1Þ : ð5Þ

Here, we define SFR(IR) as the SFR derived from the total
(1–1000 lm) IR luminosity. We estimate the IR luminosity
from the measured IRAS 60 and 100 lm fluxes. We note
that K98 defined the SFR(IR) over 8–1000 lm. The C00
conversion applies to the range 1–1000 lm. The contribu-
tion to the total infrared luminosity from the 1–8 lm regime
is expected to be of the order of a few percent (C00; Dale et
al. 2001).

The H! SFR relation (K98) comes from evolutionary
synthesis models, assuming solar metallicity and no dust.
The total integrated stellar luminosity shortward of the
Lyman limit is reemitted in the nebular emission lines. The
H! SFR relation is

SFRðH!Þ ðM# yr$1Þ ¼ 7:9& 10$42LðH!Þ ðergs s$1Þ : ð6Þ

For most star-forming galaxies, dust absorption leads to the
underestimation of the SFR derived from the H! luminos-
ity (e.g., Lonsdale &Helou 1987).

Figure 1 shows the SFRs derived using the K98 IR and
H! SFR relations for the NFGS galaxies. There is obvi-
ously a strong correlation between the two SFRs. Upper
limits for those objects with measurable H! fluxes but with-
out IRAS detections at 60 and 100 lm are consistent with
this correlation.

We fitted a straight line to the logarithm of the SFRs for
the objects with IRAS detections by using the numerical rec-
ipe FITEXY routine in IDL. This routine uses linear least-
squares minimization and includes error estimates for both
variables. We assumed errors of (60% for the non–redden-
ing-corrected SFR(H!) and (30% for SFR(IR). The large
(60% error allows for the systematic error introduced by
failure to correct for reddening. The resulting fit (Fig. 1,

dashed line) has the form

log SFRðIRÞ ¼ ð1:30) 0:06Þ log SFRðH!Þ þ 0:43) 0:05

ð7Þ

or

SFRðIRÞ ¼ ð2:7) 0:3ÞSFRðH!Þ1:30)0:06 : ð8Þ

The rms distance perpendicular to this line (in the logarith-
mic scale) gives a measure of the degree of scatter. The rms
dispersion in Figure 1 is 0.17 in the logarithmic scale. The
Spearman rank correlation test for SFR(IR) and SFR(H!)
gives a correlation coefficient of 0.95. The two-sided proba-
bility of finding a value of 0.95 by chance is formally 0.0

TABLE 1—Continued

ID Name
cz

(km s$1) Type E(B$V )
F60

a

(Jy)
F100

a

(Jy) log
LcorrðH!Þ

1 L#
log

LðFIRÞ
1 L#

SFRH! SFRH!corr SFR IR

162...... UGC 09660............ 626 Sc 0.16 0.26 0.61 5.64 7.54 0.01 0.01 0.01
164...... IC 1100 .................. 6561 Scd 0.47 1.03 3.18 8.07 10.24 1.23 3.63 5.30
165...... NGC 5874.............. 3128 Sbc 0.48 0.47 1.85 7.46 9.31 0.29 0.88 0.63
166...... NGC 5875A........... 2470 Sc 0.12 0.51 1.11 6.87 9.01 0.17 0.23 0.31
168...... IC 1124 .................. 5242 Sab 0.60 0.95 2.71 7.92 9.99 0.65 2.58 2.99
170...... UGC 09896............ 6461 Sc 0.21 0.28 1.17 7.71 9.74 0.98 1.60 1.68
172...... IC 1141 .................. 4458 S0/a 0.58 1.34 2.00 7.65 9.87 0.36 1.36 2.29
174...... NGC 6007.............. 10548 Sbc 0.31 0.70 2.03 8.40 10.47 3.84 7.78 8.98
175...... UGC 10086............ 2191 Sc 0.25 0.64 1.28 6.91 8.99 0.14 0.25 0.30
179...... NGC 6131.............. 5054 Sc 0.12 0.72 2.42 7.51 9.87 0.74 0.99 2.30
184...... NGC 7328.............. 2827 Sab 0.64 1.16 3.95 7.65 9.58 0.31 1.38 1.17
186...... UGC 12178............ 1925 Sdm 0.15 1.08 2.72 7.11 9.15 0.28 0.40 0.43
187...... UGC 12265............ 5682 S0 0.57 1.62 2.53 8.02 10.17 0.87 3.23 4.57
189...... NGC 7460.............. 3296 Sb 0.44 1.82 4.98 7.93 9.86 0.94 2.61 2.22
192...... UGC 12519............ 4380 Sd 0.45 0.76 2.59 7.86 9.78 0.79 2.25 1.85
193...... NGC 7620.............. 9565 Scd 0.52 2.41 5.74 9.01 10.88 9.35 31.29 23.13
195...... IC 1504 .................. 6306 Sb 0.85 1.40 4.12 8.56 10.32 1.58 11.23 6.48

a IRAS fluxes at 60 and 100 lm in janskys.
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Fig. 1.—Comparison of the SFRs derived using the infrared and H!
relations in K98. The strong correlation spans 4 orders of magnitude. The
solid line is y = x and shows where the data would lie if both SFR indica-
tors agreed. The H! SFR has not been corrected for extinction. The dashed
line is the best fit to all the data. The legend indicates the Hubble type.
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(d10!30), confirming the very strong correlation between
the two SFR indicators.

We plot a histogram of the logarithm of the ratio of the
two SFRs, log½SFRðIRÞ/SFR(H!)], in Figure 2. Vertical
lines at the top of Figure 2 show the means of the early- and
late-type SFR ratio distributions, 0.50 % 0.07 and
0.34 % 0.04, respectively. We note that the mean for the
early types is larger than the mean for the late types.

4. SFRs AND REDDENING

Figures 1 and 2 and equation (8) demonstrate that the
SFR(IR) estimate exceeds SFR(H!) by a factor of &3, as
observed by Charlot et al. (2002). The ratio between
SFR(IR) and SFR(H!) increases with SFR. If the SFR(IR)
and SFR(H!) are both valid measures of the true SFRs,
then a physical process not yet taken into account must bias
one relative to the other. This process must also cause the
bias to increase at higher SFRs. One obvious candidate is
reddening. We test this conjecture by measuring the differ-
ence in the extinction at two wave bands,E(B!V ).

We calculated E(B!V ) in the emission-line gas for the 81
IRAS-detected galaxies in the NFGS sample for which flux
measurements for both H! and H" are available. We
assume an intrinsic H!/H" ratio of 2.85 (case B recombina-
tion at T = 104 K and electron density ne & 102–104 cm!3;
Osterbrock 1989) and used the Whitford reddening curve as
parameterized byMiller &Mathews (1972).

Figure 3 shows the relationship between the ratio of the
two luminosities L(FIR)/L(H!) and E(B!V ). The Spear-
man rank correlation coefficient is 0.86. The two-sided
probability of obtaining a value of 0.86 by chance is
&1.2 ' 10!23, supporting the very strong correlation
between L(FIR)/L(H!) and E(B!V ).

The FITEXY least-squares line-fitting routine gives

log
LðFIRÞ
LðH!Þ ¼ ð0:62% 0:08Þ log½EðB! VÞ) þ 2:66% 0:06 :

ð9Þ

This relationship is model independent. If we use E(B!V )
to correct L(H!) for extinction, the difference between
SFR(IR) and SFR(H!) could be reduced, supporting simi-
lar results by D02 and R02 for young star-forming galaxies.
In fact, after making the correction, we do arrive at much
better agreement between the corrected H! star formation
rate [SFR(H!corr)] and the IR star formation rate (Fig. 4).
This relation is striking because many nearby field galaxies
are cool IRAS sources. Only six out of the 81 galaxies in
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Fig. 2.—Ratio of the infrared to H! star formation rates. The H! flux
has not been corrected for reddening. The two vertical lines at the top of the
figure indicate the mean of the early- and late-type distributions.
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Fig. 3.—Relationship between the reddening E(B!V ) derived from
the Balmer decrement F(H!)/F(H") and the ratio of the IR to H!
luminosities.
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Fig. 4.—As in Fig. 1, with the H! flux corrected for reddening using the
Whitford reddening curve as parameterized by Miller & Mathews (1972).
The SFR(IR) and SFR(H!) are nearly equal. The legend indicates the
Hubble type. The galaxies with the largest SFRs are late-type spirals.
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region of the spectrum. The net effect of this population is
only visible in the high-Z ionizing spectra, appearing from 3 to
5 Myr in the Z = Z⊙ spectrum, and from 4 to 6 Myr in the
Z = 2 Z⊙. The wind-driven ISM enhancement by W–R stars is
stronger and longer at high metallicities, and the minimum mass
required to reach the W–R stage decreases at higher metallicities
(taken to be 85 M⊙ at Z = 0.05 Z⊙ as compared to 40 M⊙ at
Z = Z⊙ for the Geneva models used here; Schaller et al. 1992).

However, the most pronounced change in the spectra occurs
at ages later than 5 Myr. For the 6 Myr model, there is a dramatic
drop in the hardness of the spectra at ∼225 Å, coinciding almost
perfectly with the ionizing wavelength of [O iii]. This behavior
is consistent with the origin of the FUV spectrum for this SFH.
An instantaneous burst of star formation at 0 Myr will result in
a single coeval population of massive stars as the sole source of
ionizing radiation, decreasing the hardness of the FUV spectrum
at later ages as the hottest massive stars (and therefore the
dominant contributors of ionizing radiation), evolve rapidly off
the main sequence and end their lives. The lifetimes employed
in the Geneva models give the explanation for the behavior of
the FUV spectra shown here; the main-sequence (H-burning
phase) lifetimes of a typical hot massive star of initial mass
40 M⊙ all terminate at an age of 5 Myr or earlier (Schaller
et al. 1992; Schaerer et al. 1993b; Charbonnel et al. 1993). As
a result, beyond 5 Myr the dominant massive stellar population
is comprised mainly of lower mass (!25 M⊙) stars that are
beginning to evolve redward on the H–R diagram, and producing
insufficient ionizing radiation at shorter wavelengths ("225 Å)
to generate the line fluxes we observe for highly ionized
species. Because of this lack of ionizing photons, we restrict
our photoionization grids generated for an instantaneous SFH
to 5 Myr and younger.

In practice, stellar populations in star-forming galaxies are
thought to originate from episodic bursts of star formation,
or from a continuous SFH. For example, Izotov & Thuan
(2004) find evidence of current ongoing star formation with
an age of about 4 Myr in the extremely low-metallicity galaxy
I Zw 18. In addition, they detect supergiant populations that
indicate an intense star formation episode occurring 10–15 Myr
ago and evidence of still older stellar populations with ages
of hundreds of Myr. Noeske et al. (2007a, 2007b) examine
2905 star-forming galaxies from the All Wavelength Extended
Groth Strip International Survey (AEGIS), and find that the
dominant star formation mechanism in these galaxies appears
to be a gradual decline of the average SFR, as opposed to a
series of episodic bursts that decrease in frequency. Previous
grids of stellar population synthesis models also find that
the assumption of a continuous SFH, with the presence of
underlying older stellar populations, is more appropriate than
a single instantaneous burst in most cases (Kewley et al. 2001;
Moy et al. 2001; Fernandes et al. 2003; Barton Gillespie et al.
2003). This suggests that, rather than modeling a single burst of
star formation at 0 Myr (the current approach in Starburst99 for
a burst-like SFH), a continuous SFH or multiple bursts of star
formation through time would be a more realistic treatment
for modeling spectra of star-forming galaxies (see also Lee
et al. 2009). The instantaneous burst models presented here
can therefore be employed mainly as an approximation of a
burst-like SFH, representing a lower limit on star formation,
while our continuous star formation models can be considered
an upper limit.

After examining the behavior of the FUV spectra when
adopting the HIGH evolutionary tracks, we can then compare

Figure 2. Relative ionization fractions for emission lines produced by Mappings
III, plotted as a function of relative distance from inner surface of the nebula.
The emission features shown here are [N ii] (dashed green line), [O ii] (dashed
red line), [O iii] (dash-dotted red line), [S ii] (dashed blue line), and [S iii]
(dash-dotted blue line). For these outputs, a zero-age instantaneous burst SFH,
a metallicity of Z = 0.05 Z⊙, an ionization parameter q = 1 × 107, and an
electron density ne = 100 cm−3 are assumed.
(A color version of this figure is available in the online journal.)

these to the FUV spectra produced from the STD evolutionary
tracks, subtracting the two spectra to examine their differences
in greater detail (Figure 1, right panel). In this comparison, we
can see that the largest differences occur at higher metallicities
(Z = 0.4 Z⊙, Z⊙, and 2 Z⊙) and in the 3–6 Myr age range,
coinciding with the ionizing flux contribution of the mass-loss-
sensitive W–R phase. Additional discrepancies at later ages
focus on the age of the 225 Å drop, which is also expected
to vary slightly with mass loss.

Finally, we find that the FUV spectra shown here are harder
than those shown in Kewley et al. (2001) for both the PEGASE
and the Starburst99 stellar population synthesis models. The
increased hardness between 225 Å and 1000 Å is particularly
notable, with log(λFλ, ergs s−1 M−1

⊙ ) ≈25–30 for the solar-
metallicity Kewley et al. (2001) models as compared to log(λFλ,
ergs s−1 M−1

⊙ ) ≈35–45 for the solar-metallicity models shown
here. This corresponds to the 1–4 Ryd region that Kewley
et al. (2001) cite as potentially benefiting from more rigorous
treatments of continuum metal opacities, which we have adopted
here via the inclusion of the Pauldrach et al. (2001) and Hillier
& Miller (1998) model atmospheres. These FUV spectra are
therefore a notable improvement over the Kewley et al. (2001)
grids, with higher ionizing fluxes expected to more accurately
reproduce the emission-line fluxes observed in star-forming
galaxies.

Figure 2 shows the relative ionization fractions for a number
of species produced by Mappings III, plotted as a function of
relative distance from inner surface of the nebula. This figure
illustrates that the [S ii] flux, in particular, is a good tracer of
the hardness of the ionizing radiation field. This is largely due
to the effects of [S iii] ionization. In a soft ionizing radiation
field, [S iii] will be ionized out to a greater distance in the
nebula, decreasing the ionization fraction of [S ii] as a result.
Conversely, in a hard ionizing radiation field, [S iii] will be
ionized very close to the inner surface of the nebula and [S ii]
will dominate the ionization fraction. As a result, [S ii] can be
used as a powerful diagnostic tool in these models, particularly

factor ’’ or ‘‘ excitation parameter ’’ to correct the observed
R23 for ionization parameter, such as in Pilyugin (2000);
Charlot & Longhetti (2001). We prefer to estimate the ion-
ization parameter explicitly, based upon the
theoretical models.

4.4. The S23 Diagnostic Diagram

Our calibration of the ratio ([S ii] !!6717, 6731 +[S iii]
!!9069, 9532)/H" (popularly known as S23) is shown in

Figure 6. Again, we fit fourth-order polynomials defined as
in equation (4), and the coefficients are given in Table 3.

As is the case in all such ratios of forbidden to recombina-
tion lines, the S23 ratio has a maximum at a certain metal-
licity, and therefore it is two valued at all other metallicities.
For this particular ratio the maximum occurs at a somewhat
higher abundance than for the R23 ratio; at metallicities of
roughly solar [log ðO=HÞ þ 12 $ 8:8]. Again, to raise the
degeneracy in the solutions, an initial guess of the metal-
licity must first be obtained from an alternative diagnostic.

S23 is quite dependent on ionization parameter for all
metallicities, and therefore the ionization parameter derived
from the [S iii]/[S ii] diagnostic should be used to eliminate
this as a free variable.

4.5. The ½N ii&=H#Diagnostic Diagram

In the absence of other emission lines, the [N ii]/H# line
ratio can be used as a crude estimator of metallicity. Note
that the [N ii]/H# ratio is particularly sensitive to shock
excitation or the presence of a hard ionizing radiation field,
from an AGN. The presence of strong shock excitation or
an AGN will increase the [N ii]/H# ratio and cause the
abundances determined to be artificially high. If the [N ii]/
H# ratio is to be used, standard optical diagnostic diagrams
should first be applied to rule out the possibility of the pres-
ence of an AGN or shocked excitation. We recommend the
use of the Kewley et al. (2001b) optical diagnostics since
these are based on the same theoretical models used here
and have been shown to be more reliable than the previous
semiempirical method of Veilleux &Osterbrock (1987).

Our calibration of this ratio is shown in Figure 7, with
polynomial fits as in equation (4) and coefficients given in
Table 3.

At very low metallicity, this ratio scales simply as the
nitrogen abundance, to first order. However, it is known
that in this metallicity regime, the nitrogen abundance
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the data points from our models at metallicities from left to right of 0.05,
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depletion factors adopted for each element are shown in
Table 1. For nonsolar metallicities we assume that both the
dust model and the depletion factors are unchanged, since
we have no way of estimating what they may be otherwise.
All elements except nitrogen and helium are taken to be pri-
mary nucleosynthesis elements. For helium, we assume a
primary nucleosynthesis component in addition to the pri-
mordial value derived from Russell & Dopita (1992). This
primary component is matched empirically to provide the
observed abundances at SMC, LMC, and solar abundances
(Anders &Grevesse 1989; Russell &Dopita 1992). Nitrogen
is assumed to be a secondary nucleosynthesis element above
metallicities of 0.23 solar, but as a primary nucleosynthesis
element at lower metallicities. This is an empirical fit to the
observed behavior of the N/O ratio in H ii regions (van Zee,
Haynes, & Salzer 1997).

Photoionization models were calculated for the range of
metallicities from 0.05 to 3 times solar and for ionization
parameter (as defined in x 1) ranging from q ¼
5" 106 cm s#1 to q ¼ 3" 108 cm s#1 [log ðUÞ¼ #3:78 to
#2]. For our metallicities of 0.05, 0.1, 0.2 0.5, 1.0, 1.5, 2.0,
3.0 times solar, the corresponding metallicities in
logðO=HÞ þ12 are 7.6, 7.9, 8.2, 8.6, 8.9, 9.1, 9.2, 9.4. Note
that for the new value of solar abundance given in Allende
Prieto, Lambert, & Asplund (2001), our metallicities
become 0.09, 0.2, 0.4, 0.9, 1.7, 2.6, 3.5, 5.2 times solar.

3. DIAGNOSTIC DIAGRAMS FOR THE
IONIZATION PARAMETER

Assuming that the metallicity and the shape of the EUV
spectrum are defined, the local ionization state in an H ii
region is characterized by the local ionization parameter.
All models with a similar ionization parameter will then
produce very similar spectra. For plane-parallel photoioni-
zation models, this ionization parameter defined at the inner
surface of the nebular ionized slab defines a unique ioniza-
tion structure, and therefore a unique emission line spec-
trum for a given metallicity and EUV radiation field. In a
spherical nebula, models are not unique because of the
spherical divergence of the radiation field. What is usually
done is to define an effective mean ionization parameter in

terms of the Strömgren radius,Rs:

qeff ¼
QH0

4!R2
sn

; ð2Þ

where QH0 is the flux of ionizing photons produced by the
exciting stars above the Lyman limit. If the thermal gas only
occupies a fraction of the available volume, this definition
must be modified accordingly.

Many of the abundance diagnostics commonly used are
sensitive to the ionization parameter, and for some ranges
of metallicity, they are not useful unless the ionization
parameter can be constrained within a small range of possi-
ble values. Provided that the EUV spectrum of the exciting
source is reasonably well constrained, the ionization param-
eter is best determined using the ratios of emission lines of
different ionization stages of the same element. In general,
the larger the difference in ionization potentials of the two
stages, the better the ratio will constrain the ionization
parameter. A commonly used ionization parameter diag-
nostic is based on the ratio of the [O iii] "5007 and [O ii]
""3726, 3729 emission line fluxes (see Fig. 1).

The smooth curves are third-order polynomial fits to the
models for each set of metallicities. They have the form:

R ¼ k0 þ k1xþ k2x
2 þ k3x

3 ; ð3Þ

where R is the flux ratio, in this case, log ([O iii]/[O ii]), k0#3

are constants given in Table 2, and x is the ionization
parameter of the form log ðqÞ.

It is evident that [O iii]/[O ii] is not only sensitive to the
ionization parameter, but is also strongly dependent on
metallicity. An initial guess of metallicity is essential in
order to allow a suitable constraint on the ionization param-
eter. This estimate could then be used in order to then
obtain a second, more accurate estimate of the metallicity,

TABLE 1

Solar Metallicity (Z') and
Depletion Factors (D) Adopted

for Each Element

Element log ðZ'Þ log ðDÞ

H ....................... 0.00 0.00
He...................... #1.01 0.00
C........................ #3.44 #0.30
N ....................... #3.95 #0.22
O........................ #3.07 #0.22
Ne...................... #3.91 0.00
Mg ..................... #4.42 #0.70
Si ....................... #4.45 #1.00
S ........................ #4.79 0.00
Ar ...................... #5.44 0.00
Ca ...................... #5.64 #2.52
Fe ...................... #4.33 #2.00
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Fig. 1.—The log ([O iii] "5007/[O ii] ""3726, 3729) diagnostic vs. ioniza-
tion parameter. Curves for each metallicity between Z ¼ 0:05 to 3.0 Z' are
shown. Filled circles represent the data points from our models at ioniza-
tion parameters from left to right of 5" 106, 1" 107, 2" 107, 4" 107,
8" 107, 1:5" 108, and 3" 108 cm s#1. [See the electronic edition of the
Journal for a color version of this figure.]
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Figure 1. Oxygen abundance against the N2 index in extragalactic H II regions. The symbols have the following meanings. Filled squares – (O/H) from
photoionization models by Dı́az et al. (1991 – M 51) and Castellanos, Dı́az & Terlevich (2002a,b – NGC 925 and NGC 1637). Crosses – M 101 (Kennicutt,
Bresolin & Garnett 2003). Open triangles – spiral and irregular galaxies (Castellanos, Dı́az & Terlevich 2002a; Garnett et al. 1997; González-Delgado et al.
1994, 1995; Kobulnicky & Skillman 1996; Mathis, Chu & Peterson 1985; Pagel, Edmunds & Smith 1980; Pastoriza et al. 1993; Shaver et al. 1983 [30 Dor
and NGC 346]; Skillman et al. 2003; Vı́lchez et al. 1988). Open squares – blue compact galaxies (Campbell, Terlevich & Melnick 1986; Garnett 1990; Izotov,
Thuan & Lipovetsky 1994; Kniazev et al. 2000; Kunth & Joubert 1985; Pagel et al. 1992; Skillman & Kennicutt 1993; Skillman et al. 1994; Thuan, Izotov &
Lipovetsky 1995; van Zee 2000; Walsh & Roy 1989). Error bars in log (O/H) are only plotted when they are larger than the symbol to which they refer. The
long-dashed line is the best-fitting linear relationship: 12 + log (O/H) = 8.90 + 0.57 × N2. The short-dashed lines encompass 95 per cent of the measurements
and correspond to a range in log (O/H) = ± 0.41 relative to this linear fit. The solid line is a cubic function of the form 12 + log (O/H) = 9.37 + 2.03 ×
N2 + 1.26 × N22 + 0.32 × N23 which, however, gives only a slightly better fit to the data (95 per cent of the data points are within ±0.38 of this line). The
dot-dash horizontal line shows the solar oxygen abundance 12 + log (O/H) = 8.66 (Allende-Prieto, Lambert & Asplund 2001; Asplund et al. 2004).

lead to order of magnitude uncertainties in (O/H) in galaxies at z ≃ 3
(Pettini et al. 2001).

Partly to circumvent this latter problem, analogous
S23 ≡ ([S II] + [S III])/Hβ (Vı́lchez & Esteban 1996; Chris-
tensen, Petersen & Gammelgaard 1997; Dı́az & Pérez-Montero
2000) and S234 ≡ ([S II] + [S III] + [S IV])/Hβ (Oey et al. 2002)
indices have been proposed. Although these sulphur-line based
indices turn over at higher metallicities than R23, the sulphur lines
are weaker than their oxygen counterparts and their red and infrared
rest wavelengths place them beyond the reach of ground-based
observations at redshifts z ! 1.5.

More promising are methods which involve [N II] and Hα. In this
paper we reconsider the N2 index (N2 ≡ log{[N II] λ6583/Hα})
recently discussed by Denicoló, Terlevich & Terlevich (2002), and
show how its accuracy can be further improved in the high abun-
dance regime by comparison with [O III] λ5007/Hβ.

2 T H E N 2 I N D E X

Following up on earlier work by Storchi-Bergmann, Calzetti &
Kinney (1994) and by Raimann et al. (2000), Denicoló et al. (2002)
have focused attention again on the N2 index, pointing out its useful-
ness in the search for low metallicity galaxies. The [N II]/Hα ratio
is highly sensitive to the ‘metallicity’, as measured by the oxygen
abundance (O/H), through a combination of two effects. As (O/H)
decreases below solar, there is a tendency for the ionization to in-
crease (either from hardness of the ionizing spectrum or from the
ionization parameter, or both), decreasing the ratio [N II]/[N III], and,
furthermore, the (N/O) ratio itself decreases at the high-abundance
end because of the secondary nature of nitrogen (e.g. Henry,

Edmunds & Köppen 2000; Pettini et al. 2002a). From the ground,
Hα and [N II] can be followed all the way to redshift z ≃ 2.5 (the
limit of the K band). With thousands of galaxies now known at
z > 1 (Madgwick et al. 2003; Steidel et al. 2004; Abraham et al., in
preparation), the N2 index offers the means to determine metallic-
ities in a wholesale manner over look-back times which span most
of the age of the Universe. It is thus worthwhile reconsidering its
accuracy.

Denicoló et al. (2002) compiled an extensive sample of nearby
extragalactic H II regions which could be used to calibrate N2 versus
(O/H). We have revised their data base by: (i) including only H II

regions with values of (O/H) determined either via the T e method
or with detailed photoionization modelling, and excluding the un-
tabulated estimates for H II regions from the catalogue of Terlevich
et al. (1991), because for many of these (O/H) had been estimated
from ‘empirical’ (i.e. R23 or S23) indices; and (ii) updating it with
recent measurements by Kennicutt et al. (2003) for H II regions in
M 101 and by Skillman et al. (2003) for dwarf irregular galaxies in
the Sculptor Group.

The total sample, shown in Fig. 1, consists of 137 extragalactic
H II regions with well determined values of (O/H) and N2. In all
but six cases (shown with filled symbols) the oxygen abundance
was determined with the T e method. References to the original
works are given in the figure caption. It can be readily appreciated
from Fig. 1 that, while N2 does indeed increase monotonically with
log(O/H), a linear relationship is only an approximate representa-
tion of the data, which rather tend to lie along an S-shaped curve. In
particular, when (O/H) ≃ 8.2 ± 0.2, the value of N2 can span one
order of magnitude, from N2 ≃ −1.8 to N2 ≃ −0.8, whereas at solar
metallicity and beyond [N II] tends to saturate (Baldwin, Phillips &
Terlevich 1981) because it comes to dominate the cooling (Kewley
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Figure 2. Oxygen abundance against the O3N2 index in extragalactic H II regions. The symbols have the same meaning as in Fig. 1. The long-dashed line
is the best-fitting linear relationship, 12 + log (O/H) = 8.73 − 0.32 × O3N2, valid when O3N2 < 1.9 The short-dashed lines encompass 95 per cent of the
measurements which satisfy this condition and correspond to a range in log (O/H) = ± 0.25. The dot-dashed horizontal line shows the solar oxygen abundance
12 + log (O/H) = 8.66 (Allende-Prieto et al. 2001; Asplund et al. 2004).

& Dopita 2002). Forcing a linear fit to the sample,1 we obtain a line
of best fit according to the relation:

12 + log (O/H) = 8.90 + 0.57 × N2 (1)

shown with the long-dashed line in Fig. 1. Both the slope and the
intercept are lower than the values of the fit by Denicoló et al.
(2002) who proposed 12 + log (O/H) = 9.12 + 0.73 × N2. While
the formal statistical errors on the slope and intercept are small
(0.03 and 0.04 respectively), of more interest is the dispersion of
the points about the line of best fit in Fig. 1. Specifically, 95 per
cent (68 per cent) of the measurements of log (O/H) lie within ±
0.41 (± 0.18) of the line defined by equation (1); the 2 σ limits are
shown as short-dashed lines in Fig. 1. Only a marginally better fit
to the data is provided by a third-order polynomial of the form:

12 + log (O/H) = 9.37 + 2.03 × N2 + 1.26 × N22 + 0.32 × N23

(2)

(valid in the range −2.5 < N2 < − 0.3), with 95 per cent (68 per
cent) of the measurements being within ±0.38 (±0.18) of the values
given by equation (2). This cubic fit is indicated by the solid line
in Fig. 1. We conclude that with the N2 calibrator it is possible to
estimate the abundance of oxygen to within a factor of ∼2.5 at the
95 per cent confidence level. This accuracy is comparable to that of
the R23 method.

3 T H E O 3 N 2 I N D E X

We now consider to what degree the accuracy in the determi-
nation of (O/H) can be improved by considering two ratios,
[N II]/Hα and [O III]/Hβ. Alloin et al. (1979) were the first to intro-
duce the quantity O3N2 ≡ log {([O III] λ5007/Hβ)/([N II] λ6583/

1 We performed an unweighted least-squares fit to the data because in com-
pilations such as this the error estimates are highly heterogeneous. However,
a weighted least-squares fit gives very similar results.

Hα)},2 but since then the O3N2 index has been comparatively ne-
glected in nebular abundance studies. There is now a sufficient body
of high quality data to reassess its merits. We expect the inclusion
of [O III] to be most useful in the high metallicity regime where
[N II] saturates but the strength of [O III] continues to decrease with
increasing metallicity.

Fig. 2 shows how O3N2 varies with (O/H) for the 137 extra-
galactic H II regions in our sample. Clearly this method is of little
use when O3N2 ! 2, but at lower values there appears to be a
relatively tight, linear and steep relationship between O3N2 and
log(O/H). A least-squares linear fit to the data in the range
−1 < O3N2 < 1.9 yields the relation:

12 + log (O/H) = 8.73 − 0.32 × O3N2 (3)

which is shown by the long-dashed line in Fig. 2, with 95 per cent
(68 per cent) of the measurements within 0.25 (0.14) dex of the best
fit line; the short-dashed lines in Fig. 2 show the 2σ limits. The
caveats are that the statistics are somewhat limited, with only 65
out of the 137 H II regions in our sample satisfying the condition
O3N2 < 1.9, and that the relationship defined by equation (3) relies
heavily on the four data points with 12 + log (O/H) ≃ 9.0 deduced
from photoionization models rather than the ‘direct’ T e method.
Nevertheless, in the high metallicity regime the O3N2 method ap-
pears promising and it would be very worthwhile extending the data
base of nearby H II region measurements to improve its statistics.

4 C O N C L U S I O N S

In this Letter we have reassessed the usefulness of ‘empirical’ meth-
ods based on the [N II]/Hα ratio for determining the oxygen abun-
dance in H II regions, particularly with an eye to their application to
the analysis of star-forming galaxies at high redshift. We have re-
vised the extensive compilation prepared by Denicoló et al. (2002)
to include only H II regions where the oxygen abundance is believed

2 This definition is slightly different from the original one proposed by Alloin
et al. (1979) who included both [O III] doublet lines in the numerator of the
first ratio.
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Figure 2. Oxygen abundance against the O3N2 index in extragalactic H II regions. The symbols have the same meaning as in Fig. 1. The long-dashed line
is the best-fitting linear relationship, 12 + log (O/H) = 8.73 − 0.32 × O3N2, valid when O3N2 < 1.9 The short-dashed lines encompass 95 per cent of the
measurements which satisfy this condition and correspond to a range in log (O/H) = ± 0.25. The dot-dashed horizontal line shows the solar oxygen abundance
12 + log (O/H) = 8.66 (Allende-Prieto et al. 2001; Asplund et al. 2004).

& Dopita 2002). Forcing a linear fit to the sample,1 we obtain a line
of best fit according to the relation:

12 + log (O/H) = 8.90 + 0.57 × N2 (1)

shown with the long-dashed line in Fig. 1. Both the slope and the
intercept are lower than the values of the fit by Denicoló et al.
(2002) who proposed 12 + log (O/H) = 9.12 + 0.73 × N2. While
the formal statistical errors on the slope and intercept are small
(0.03 and 0.04 respectively), of more interest is the dispersion of
the points about the line of best fit in Fig. 1. Specifically, 95 per
cent (68 per cent) of the measurements of log (O/H) lie within ±
0.41 (± 0.18) of the line defined by equation (1); the 2 σ limits are
shown as short-dashed lines in Fig. 1. Only a marginally better fit
to the data is provided by a third-order polynomial of the form:

12 + log (O/H) = 9.37 + 2.03 × N2 + 1.26 × N22 + 0.32 × N23

(2)

(valid in the range −2.5 < N2 < − 0.3), with 95 per cent (68 per
cent) of the measurements being within ±0.38 (±0.18) of the values
given by equation (2). This cubic fit is indicated by the solid line
in Fig. 1. We conclude that with the N2 calibrator it is possible to
estimate the abundance of oxygen to within a factor of ∼2.5 at the
95 per cent confidence level. This accuracy is comparable to that of
the R23 method.

3 T H E O 3 N 2 I N D E X

We now consider to what degree the accuracy in the determi-
nation of (O/H) can be improved by considering two ratios,
[N II]/Hα and [O III]/Hβ. Alloin et al. (1979) were the first to intro-
duce the quantity O3N2 ≡ log {([O III] λ5007/Hβ)/([N II] λ6583/

1 We performed an unweighted least-squares fit to the data because in com-
pilations such as this the error estimates are highly heterogeneous. However,
a weighted least-squares fit gives very similar results.

Hα)},2 but since then the O3N2 index has been comparatively ne-
glected in nebular abundance studies. There is now a sufficient body
of high quality data to reassess its merits. We expect the inclusion
of [O III] to be most useful in the high metallicity regime where
[N II] saturates but the strength of [O III] continues to decrease with
increasing metallicity.

Fig. 2 shows how O3N2 varies with (O/H) for the 137 extra-
galactic H II regions in our sample. Clearly this method is of little
use when O3N2 ! 2, but at lower values there appears to be a
relatively tight, linear and steep relationship between O3N2 and
log(O/H). A least-squares linear fit to the data in the range
−1 < O3N2 < 1.9 yields the relation:

12 + log (O/H) = 8.73 − 0.32 × O3N2 (3)

which is shown by the long-dashed line in Fig. 2, with 95 per cent
(68 per cent) of the measurements within 0.25 (0.14) dex of the best
fit line; the short-dashed lines in Fig. 2 show the 2σ limits. The
caveats are that the statistics are somewhat limited, with only 65
out of the 137 H II regions in our sample satisfying the condition
O3N2 < 1.9, and that the relationship defined by equation (3) relies
heavily on the four data points with 12 + log (O/H) ≃ 9.0 deduced
from photoionization models rather than the ‘direct’ T e method.
Nevertheless, in the high metallicity regime the O3N2 method ap-
pears promising and it would be very worthwhile extending the data
base of nearby H II region measurements to improve its statistics.

4 C O N C L U S I O N S

In this Letter we have reassessed the usefulness of ‘empirical’ meth-
ods based on the [N II]/Hα ratio for determining the oxygen abun-
dance in H II regions, particularly with an eye to their application to
the analysis of star-forming galaxies at high redshift. We have re-
vised the extensive compilation prepared by Denicoló et al. (2002)
to include only H II regions where the oxygen abundance is believed

2 This definition is slightly different from the original one proposed by Alloin
et al. (1979) who included both [O III] doublet lines in the numerator of the
first ratio.
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Figure 2. Oxygen abundance against the O3N2 index in extragalactic H II regions. The symbols have the same meaning as in Fig. 1. The long-dashed line
is the best-fitting linear relationship, 12 + log (O/H) = 8.73 − 0.32 × O3N2, valid when O3N2 < 1.9 The short-dashed lines encompass 95 per cent of the
measurements which satisfy this condition and correspond to a range in log (O/H) = ± 0.25. The dot-dashed horizontal line shows the solar oxygen abundance
12 + log (O/H) = 8.66 (Allende-Prieto et al. 2001; Asplund et al. 2004).

& Dopita 2002). Forcing a linear fit to the sample,1 we obtain a line
of best fit according to the relation:

12 + log (O/H) = 8.90 + 0.57 × N2 (1)

shown with the long-dashed line in Fig. 1. Both the slope and the
intercept are lower than the values of the fit by Denicoló et al.
(2002) who proposed 12 + log (O/H) = 9.12 + 0.73 × N2. While
the formal statistical errors on the slope and intercept are small
(0.03 and 0.04 respectively), of more interest is the dispersion of
the points about the line of best fit in Fig. 1. Specifically, 95 per
cent (68 per cent) of the measurements of log (O/H) lie within ±
0.41 (± 0.18) of the line defined by equation (1); the 2 σ limits are
shown as short-dashed lines in Fig. 1. Only a marginally better fit
to the data is provided by a third-order polynomial of the form:

12 + log (O/H) = 9.37 + 2.03 × N2 + 1.26 × N22 + 0.32 × N23

(2)

(valid in the range −2.5 < N2 < − 0.3), with 95 per cent (68 per
cent) of the measurements being within ±0.38 (±0.18) of the values
given by equation (2). This cubic fit is indicated by the solid line
in Fig. 1. We conclude that with the N2 calibrator it is possible to
estimate the abundance of oxygen to within a factor of ∼2.5 at the
95 per cent confidence level. This accuracy is comparable to that of
the R23 method.
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We now consider to what degree the accuracy in the determi-
nation of (O/H) can be improved by considering two ratios,
[N II]/Hα and [O III]/Hβ. Alloin et al. (1979) were the first to intro-
duce the quantity O3N2 ≡ log {([O III] λ5007/Hβ)/([N II] λ6583/

1 We performed an unweighted least-squares fit to the data because in com-
pilations such as this the error estimates are highly heterogeneous. However,
a weighted least-squares fit gives very similar results.

Hα)},2 but since then the O3N2 index has been comparatively ne-
glected in nebular abundance studies. There is now a sufficient body
of high quality data to reassess its merits. We expect the inclusion
of [O III] to be most useful in the high metallicity regime where
[N II] saturates but the strength of [O III] continues to decrease with
increasing metallicity.

Fig. 2 shows how O3N2 varies with (O/H) for the 137 extra-
galactic H II regions in our sample. Clearly this method is of little
use when O3N2 ! 2, but at lower values there appears to be a
relatively tight, linear and steep relationship between O3N2 and
log(O/H). A least-squares linear fit to the data in the range
−1 < O3N2 < 1.9 yields the relation:

12 + log (O/H) = 8.73 − 0.32 × O3N2 (3)

which is shown by the long-dashed line in Fig. 2, with 95 per cent
(68 per cent) of the measurements within 0.25 (0.14) dex of the best
fit line; the short-dashed lines in Fig. 2 show the 2σ limits. The
caveats are that the statistics are somewhat limited, with only 65
out of the 137 H II regions in our sample satisfying the condition
O3N2 < 1.9, and that the relationship defined by equation (3) relies
heavily on the four data points with 12 + log (O/H) ≃ 9.0 deduced
from photoionization models rather than the ‘direct’ T e method.
Nevertheless, in the high metallicity regime the O3N2 method ap-
pears promising and it would be very worthwhile extending the data
base of nearby H II region measurements to improve its statistics.
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ods based on the [N II]/Hα ratio for determining the oxygen abun-
dance in H II regions, particularly with an eye to their application to
the analysis of star-forming galaxies at high redshift. We have re-
vised the extensive compilation prepared by Denicoló et al. (2002)
to include only H II regions where the oxygen abundance is believed
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• Exercise 2: Measuring 
star formation rate, 
age, stel lar mass,  
metallicity and dust 
content for a typical 
galaxy from the SDSS 
catalog. I will make a 
list of target and post 
it in SLACK for you.



GALAXY: METALLICITY EVOLUTION

From Bender’s Lecture notes: Link in the last page.



GALAXY: METALLICITY EVOLUTION

CHAPTER 3. CHEMICAL EVOLUTION Page 81

3.4 Basic Chemical Evolution Model

see: Tinsley 1980 and corrections by Maeder 1992

conservation laws:

(1) M = Ms + Mg

8
<

:

M = total mass
Ms = mass in stars
Mg = mass in gas

(2) dM

dt
= f � e

⇢
f = rate of infalling gas
e = rate of ejected gas

(3) dMs
dt

=  � E

⇢
 = star formation rate
E = gas ejection rate of all stars

(4) dMg

dt
= � + E + f � e

Galaxies, Cosmology and Dark Matter Summer 2000

• Models with dM/dt = 0 are known as close box models. 

• The star formation rate in a galaxy may be physically motivated 

for example ∝ available mass of cold atomic or molecular gas.
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CHAPTER 3. CHEMICAL EVOLUTION Page 82

gas ejection rate of all stars:

(5) E(t) =
1R

mt

[m� wm] t�⌧(m)�(m)dm

mt: turnoff mass at time t = lowest mass of stars dying at time t

m� wm: ejected mass
 t�⌧(m)�(m): birth rate at t� ⌧ (m) = death rate at time t,

stars of different generations are involved
⌧ (m): main-sequence lifetime at mass m

Remnant mass
⇢

wm = 0.11m + 0.45M� (m < 6.8M�)
wm = 1.5M� (m � 6.8M�)

N.B.: only assumption: mass loss at the end in negligible time
(wrong only for �t < 106 because of O-star winds)

Galaxies, Cosmology and Dark Matter Summer 2000

m = mej + !m
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evolution of the abundance Z (relative mass fraction) for one or more metals:

(6) d(ZMg)
dt

= �Z + EZ + Zf · f � Ze

EZ: ejection rate of metals from stars, SNe etc.
Zf · f : infalling metals per time
ZMg: mass of metals in the gas

ejection rate of metals

(7) EZ(t) =
1R

mt

[(m� wm)Zt�⌧(m) + mpZm] t�⌧(m)�(m)dm

(m� wm)Zt�⌧(m): mass of metals that at time t� ⌧ (m) were locked in a star
of mass m and are now ejected with the envelope at time t;
often also written as (m� wm �mpZm)Zt�⌧(m) (see Tinsley 1980)

mpZm: new metals produced by a star of mass m which originally
formed from gas with metallicity Z

Note: for some elements (e.g. Li) pZm < 0

Galaxies, Cosmology and Dark Matter Summer 2000

Mm = Mg Z 
Ze = metal ejection rate into the IGM
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Important assumption in equation (6) and (7):
Instantaneous mixing of produced metals with ISM

returned mass per mass of stars formed

(8) R =
1R

m1

(m� wm)�(m)dm

equation (8) is independent of  and is valid for one (!) generation of stars.

Example:
Let us assume that stars with total mass M were formed 1010 yrs ago.
Then, today m1 = M�, the mass of the remnants is (1�R)M and
the returned gas mass is RM .

Galaxies, Cosmology and Dark Matter Summer 2000

CHAPTER 3. CHEMICAL EVOLUTION Page 85

Yield (mass of produced metals per remnant mass)

(9) y = 1
1�R

1R
m1

mpZm�(m)dm

yield y : mass of newly produced metals by a populations of stars which after their
deaths have a sum of remnant masses of 1M�.

Galaxies, Cosmology and Dark Matter Summer 2000
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K-CORRECTION
Basic set of equations

mR = MQ +DM +KQR where

DM = 5 log10[
DL
10pc ] ; the distance modulus

mR = �2.5 log10

 R d⌫0
⌫0

f⌫(⌫0)R(⌫0)
R d⌫0

⌫0
gR
⌫ (⌫0)R(⌫0)

�

MQ = �2.5 log10

 R d⌫e
⌫e

L⌫ (⌫e)

4⇡(10pc)2
Q(⌫e)

R d⌫e
⌫e

gQ
⌫ (⌫0)Q(⌫0)

�

L⌫(⌫e) =
4⇡D2

Lf⌫(⌫0)
(1+z) and ⌫e = [1 + z] ⌫0

KQR = �2.5 log10


[1 + z]

R d⌫0
⌫0

L⌫([1+z]⌫0)R(⌫0)
R d⌫e

⌫e
gQ
⌫ (⌫e)Q(⌫e)

R d⌫0
⌫0

gR
⌫ (⌫0)R(⌫0)

R d⌫e
⌫e

L⌫(⌫e)Q(⌫e)

�

Hogg et al., astroph/0210394



K-CORRECTION

• Remember there is no K-correction for bolometric 
magnitudes and integrated line fluxes. 

• As the galaxy spectral energy distribution depends on IMF, 
star formation rate history, metallicity evolution and binary 
fraction etc for a given object there is no unique solution. 
Only way to move forward is to fit SED over a wider spectral 
regions. 

• An useful reference is:  Blanton & Sam, 2007, ApJ, 133, 734
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EXTINCTION CORRECTIONS
A� = m0

� �m�

AV = RV ⇥ E(B � V )

AV = 1.086⇥ ⌧V

NH

AV

= 1.8⇥ 1021cm�2mag�1

�o = �e(1 + ze) = �d(1 + zd)J. P. U. Fynbo et al.: A z = 2.027 metal-rich damped Lyman-↵ absorber

Fig. 1. GTC spectra shown together with the photometry from SDSS, UKIDSS, and WISE in the u, g, r, i, z,Y, JH,Ks, and W1 bands (Warren et al.
2007; Wright et al. 2010; Eisenstein et al. 2011). We also overplot a composite quasar spectrum and a reddened composite as described in the text.
The shaded area shows the e↵ect of the 2175-Å extinction bump from dust in the z = 2.027 DLA galaxy. In the inset we plot a zoom on the blue
part of the spectrum where we show the 2500U spectrum covering the region around the hydrogen Ly↵ line of the z = 2.027 absorber. Overplotted
is the DLA fit assuming a column density of 1021.5±0.3 cm�2; the ±1� curves are shown with dashed lines.

this dual redshift dust fitting method see Krogager et al. (2015,
2016a)). The extinction curves used for the analysis are taken
from the parametrization by Gordon et al. (2003). The statistical
uncertainties from the fit on the derived AV values is 0.01 mag,
however, the uncertainty is dominated by systematic uncertain-
ties because the intrinsic spectral shape of the template is not
known a priori. This uncertainty is approximately 0.07 mag
(Krogager et al. 2016b). The extinction curve for the absorber
is shown in Fig. 2, where we isolated the dust contribution from
the DLA. The quasar continuum model is very similar to the best
fit derived from a formal fit to independent data from the Nordic
Optical Telescope by Krogager et al. (2016a). We also included
the e↵ect of partial Lyman-limit absorption from two relatively
strong Lyman-forest systems at z = 3.1428 and z = 3.1555,
assuming column densities of 1016.4 cm�2 and 1016.6 cm�2, re-
spectively, to better model the continnum around the DLA line
of the z = 2.027 absorber. Also included in the model are the
Lyman lines from the two Lyman-limit systems (up to Lyman-
31) and metal lines from S ii�1250, 1253, 1259, Si ii�1260, and
Fe ii�1260. For the z = 2.027 absorber we plotted curves for
hydrogen column densities of 1021.5±0.3 cm�2 using the approx-
imation of Tepper-García (2006, 2007). This model provides a
reasonable fit to both the overall shape of the spectrum, photom-
etry, and details of the region around the hydrogen line.

3.2. Metallicity

The metal lines associated with the z = 2.027 absorber are very
strong. In Table 2 we list the equivalent widths (EW) and column
densities of all the detected absorption lines at the redshift of the
DLA. As an example the rest-frame EW of the two components

Fig. 2. Derived extinction curve from the dust in the absorber. The
contribution from the quasar dust has been removed to highlight the
2175 Å dust bump from the absorber. The dashed line shows the LMC
extinction curve by Gordon et al. (2003) and the dotted line shows the
same extinction curve but with no bump. The position of emission lines
is indicated by the shaded bands. Narrow peaks are caused by di↵er-
ences between the intrinsic quasar spectrum and the template used in
the analysis.

of the Mg ii doublet are 2.8 and 2.6 Å, respectively. The red-
shift density of Mg ii absorbers this strong or stronger is about
0.014 per co-moving path length based on the measurements in
Sey↵ert et al. (2013). Compared to the DLAs in the very large
sample of Noterdaeme et al. (2012), this DLA is among the 20%
strongest Mg ii absorbers.
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As shown by Kewley et al. (2004), the calibration of the
SFR versus the [OII]λ3727 luminosity is not only more affected
by dust attenuation, but it also depends on metallicity, since in-
terstellar medium with higher gas-phase metallicities produces
fewer [OII]λ3727 photons because of increased oxygen cooling.
Starting from this result, they have derived new calibrations of
the SFR versus [OII]λ3727 luminosity, which take the metallic-
ity into account. The idea was to calibrate the [OII]λ3727/Hα
emission-line ratio versus the metallicity, and then to use it to
recover the SFR from the Hα luminosity, itself derived from
the [OII]λ3727 luminosity. The dependence on the metallicity
of the [OII]λ3727/Hα emission-line ratio, or more generally the
[OII]λ3727 based SFR calibrations, has been later confirmed
by Mouhcine et al. (2005) and Bicker & Fritze-v. Alvensleben
(2005).

Recently, Moustakas et al. (2006) and Weiner et al. (2007)
have derived a new calibration of the SFR of galaxies versus
[OII]λ3727 luminosity. They deal with the effect of the metal-
licity with a slightly different approach, by parametrizing their
calibration in terms of the B-band luminosity, which can be
used as a rough metallicity indicator because of the metallicity-
luminosity relation (Lequeux et al. 1979; Skillman et al. 1989;
Richer & McCall 1995; Lamareille et al. 2004; Tremonti et al.
2004; Lamareille et al. 2006).

We point out that these previous studies base their new cali-
brations on either a direct estimate or a secondary indicator (e.g.
rest-frame luminosity) of the metallicity, which in both cases suf-
fers from intrinsic uncertainties and degeneracies (see Kewley
& Ellison 2008, for a detailed discussion of the uncertainties
of metallicity calibrations, or Lamareille et al. 2004, for a dis-
cussion of the dispersion of the luminosity-metallicity relation).
Moreover, some of these previous works also assume that the
dust attenuation is known, whereas it is difficult to estimate this
quantity when the Hα emission line is not measured (which is the
case when one wants to use [OII]λ3727 instead to derive SFR).

The paper is organized as follows. We first present the sam-
ple we used and the selection we applied to it (Sect. 2), and then
we calibrate the SFR as a function of emission-line luminosities
when a correction for dust attenuation is available (Sect. 3), or
when it is not available (Sect. 4). We finally draw some conclu-
sions (Sect. 5).

2. Description of the sample

The physical properties of a total of 567 486 galaxy spectra
inside SDSS Data Release 4 (DR4, Adelman-McCarthy et al.
2006) have been made publicy available on the following web-
site: http://www.mpa-garching.mpg.de/SDSS/. Taking ad-
vantage of this huge amount of data, we made a subcatalog with
the SFR, the emission-line measurements, the spectral classifica-
tion, and the metallicities of a subsample of galaxies. The selec-
tion will be described later in this section after we first describe,
for the benefit of the reader, the main ingredients of the methods
used to derive the physical parameters.

2.1. Physical properties

The spectral properties of SDSS galaxies have been measured
with “platefit” software by Tremonti et al. (2004). For each spec-
trum, they carefully subtract the stellar continuum and absorp-
tion lines by fitting a linear combination of single stellar popula-
tion models of different ages (Bruzual & Charlot 2003). Then
they fit all emission lines at the same time as a unique neb-
ular spectrum in which each line is modeled by a Gaussian.

Thanks to subtracting of the stellar component, Balmer emis-
sion lines are automatically corrected for underlying absorption.
The [OII]λ3727 line that we use in this study is the sum of two
Gaussians of the same width modeling the [OII]λλ3726,3729
doublet. The AGN classification is based on the [OIII]λ5007/Hβ
vs. [NII]λ6584/Hα emission-line diagnostic diagram and has
been performed by Kauffmann et al. (2003a).

The SFR and gas-phase oxygen abundances were com-
puted from emission-lines fluxes using the Charlot & Longhetti
(2001, hereafter CL01) method by Brinchmann et al. (2004)
and Tremonti et al. (2004), respectively. This method compares
all emission-lines fluxes together to a set of theoretical nebular
spectra, which are modeled with five parameters: the metallicity,
the ionization degree, the dust-to-metal ratio, the dust attenua-
tion, and the SFR efficiency factor. For each galaxy, one esti-
mate of each observed parameter is computed with a Bayesian
approach (see Brinchmann et al. 2004, for more details). We
note that the SFRs are computed assuming the Kroupa (2001)
initial mass function (IMF). One may scale the SFR estimates
discussed in this paper to the Salpeter (1955) IMF by multiply-
ing them by a factor 1.5 (or by adding 0.176 dex to their loga-
rithm) and to the Chabrier (2003) IMF by multiplying them by a
factor 0.88 (or by subtracting 0.056 dex to their logarithm). The
CL01 SFR will be used as the reference SFR throughout this
study.

We computed the luminosity L of each line starting from
its measured flux F, and the redshift z of the galaxy, using the
equation

L = 4π
(

c
H0
· (1 + z) ·

∫ z

0 f (z′)−1/2dz′
)2 × F

f (z′) = (1 + z′)2(1 +Ωmz′) −ΩΛz′(2 + z′).
(1)

The luminosities were calculated with the same cosmology
based on WMAP results (Spergel et al. 2003) as the one
used by Brinchmann et al. (2004) to estimate the SFR: H0 =
70 km s−1 Mpc−1, ΩΛ = 0.7, and Ωm = 0.3. All the calibrations
provided in this study are independent of the cosmology. They
indeed compare SFR and emission-line luminosities which are
affected in the same way by the distance modulus.

Finally, we have cross-matched this catalog with the VAGC
catalog (Blanton et al. 2005) to get the k-corrected absolute mag-
nitudes which are used in this study. The absolute magnitude in
the B-band is derived from SDSS u′- and g′-bands using Eq. (1)
of Moustakas et al. (2006).

2.2. Dust attenuation

We use the following notations in this work: the observed flux
of the three emission lines used in this study are designated by
the name of the line: Hα, Hβ, and [OII] (stands for [OII]λ3727).
The intrinsic flux corrected for dust attenuation is designated
by a superscript i: Hαi, Hβi, and [OII]i. The attenuation law is
designed by the function τ(λ), and the effective dust attenua-
tion in V-band by the symbol τV . For simplification purposes,
we also note: τ(V) = τ(5500 Å) (V-band), τ(β) = τ(4861 Å),
τ(α) = τ(6563 Å), and τ(Oii) = τ(3727 Å). The intrinsic flux
f i
λ(λ) at any wavelength λ as a function of the observed flux fλ(λ)

is given by the following equation:

f i
λ(λ) = fλ(λ) · exp

(
τV

τ(V)
· τ(λ)

)
. (2)
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We computed the dust attenuation by comparing the observed
to the intrinsic Hα/Hβ emission-line ratios, using the following
equation:

τBalmer
V =

ln(Hα/Hβ) − ln(Hαi/Hβi)
τ(β) − τ(α)

· τ(V). (3)

In the following work, we use the standard case B recombination
ratio (hereafter standard intrinsic Balmer ratio): Hαi/Hβi = 2.85
(Osterbrock 1989) and the Charlot & Fall (2000) mean atten-
uation curve: τ(λ) ∝ λ−0.7. The choice of this curve is made
to be consistent with the setup used to compute the SFRs in the
SDSS DR4 data (the SFR is computed self-consistently with cor-
rection for dust attenuation).

The dust attenuation recovered with an assumed constant in-
trinsic Balmer ratio (τBalmer

V ) does not take the variations in this
ratio into account with other physical parameters (e.g. metallic-
ity). We thus also use the true dust attenuation recovered with
CL01 models by Brinchmann et al. (2004). We designate it by
the symbol τCL01

V . The intrinsic flux corrected for dust attenua-
tion using this parameter is designated by a superscript iC: HαiC,
HβiC, and [OII]iC.

Finally, another way to estimate the dust attenuation is to
compare the observed colors of the galaxies to a library of
stellar-population synthesis models (hereafter SED-fitting). This
work has been carried on with Bruzual & Charlot (2003) mod-
els of SDSS galaxies by Kauffmann et al. (2003b), who provide
an estimate of the continuum attenuation in the z-band (Az) with
Charlot & Fall (2000) attenuation curve. It is straightforward to
convert the Az parameter to τV using the following formula:

τSED
V =

Az

1.086
·
(

5500
8800

)−0.7

· 1
A⋆/Ag

· (4)

The 1.086 factor is the conversion from magnitudes to opacities
and A⋆/Ag is the mean ratio between the dust attenuation affect-
ing stars (which dominate the colors of the galaxies) and the one
affecting gas. The dust attenuation estimated from SED-fitting is
characterized by a high uncertainty but might be used in a statis-
tical way.

2.3. Sample selection

Thanks to the spectral classification provided by Kauffmann
et al. (2003a), we selected only star-forming galaxies and re-
moved all AGN from our sample. In the whole study, we also re-
moved all galaxies for which Hα and Hβ emission lines (used for
estimating the dust attenuation) are not measured with a signal-
to-noise ratio of at least 5. We apply the same selection to the
[OII] emission line in order to derive the calibrations in which
this line is involved. The signal-to-noise ratios have been cor-
rected according to the values provided in the SDSS/MPA web-
site (based on the analysis of duplicated observations): they have
been divided by 2.473 for Hα line, 1.882 for Hβ line and 2.199
for [OII] line. We also kept only galaxies with an available esti-
mate of τCL01

V . This selection was applied to remove a number of
spectra with unreliable flux measurements. A number of objects
may show a negative τBalmer

V estimate. This is due to statistical
variations around the wrong assumption of a constant intrinsic
Balmer ratio: these objects do not have to be removed.

Finally, some objects in the SDSS DR4 catalog were ob-
served twice or more. We decided to keep only one observa-
tion of each duplicated galaxy by selecting the one with the
best signal-to-noise ratio on the Hα emission line. We end up

Fig. 1. This plot shows the histogram of the dust attenuation (left) or
of the gas-phase oxygen abundance (right), both estimated with the
CL01 method, for the starforming galaxies in the SDSS DR4 data. The
solid vertical line shows the mean value of the distribution, and
the dashed vertical lines the 1-σ tails. The values are given in the plot.
The two dotted histograms show the distribution of our two subsamples
(see text for details).

with 123 713 and 84 733 starforming galaxies for Hα-based and
[OII]-based studies, respectively.

All the parameters used in this study (SFR, metallicity, dust
attenuation) are the median estimates.

2.4. Properties of the studied sample

Figure 1 (left) shows the distribution of the effective dust atten-
uation in the V-band (estimated with the CL01 method) in the
sample we have obtained. The mean value is 1.21 and the disper-
sion is 0.637. We note that these values are only obtained with
the selection of Hα and Hβ lines. The new mean and dispersion
when we add the selection of the [OII] line are 1.10 and 0.547,
respectively. Figure 1 (right) shows the distribution of the gas-
phase oxygen abundance in the same sample (for objects with
an available measurement of this parameter). The mean value is
8.89 with a dispersion of 0.24. An 8.88 mean value with a dis-
persion of 0.21 if the selection on the [OII] line is applied.

Figure 1 also shows the distributions of four subsamples (two
in each panel). These subsamples were randomly selected from
the main sample, forcing their mean values to be closest as pos-
sible to the mean value of the main sample plus or minus its
dispersion, and their dispersion to be half the dispersion of the
main sample. We end up with four subsamples: low dust attenua-
tion, high dust attenuation, low metallicity, and high metallicity.
They will be used to test the calibrations on samples with differ-
ent dust properties.

3. SFR calibration with an available dust estimate

We present in this section emission-line calibrations of the SFR
based on data already corrected for dust attenuation. We first fo-
cus in Sect. 3.2 on data with dust attenuation estimated from
the Balmer decrement, which is the common case in the litera-
ture. We then study in Sect. 3.3 the different calibrations we ob-
tained when using the dust attenuation estimated from the CL01
method or SED-fitting.
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